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ABSTRACT
The ionospheres of Venus and Mars are important components of the planet-space
boundary that play a major role in atmospheric escape processes. Characterization
of these regions reveals the physical processes that control them and provides a foun-
dation for more detailed studies of chemistry, dynamics, and energetics. At both
planets the ionospheres contain two layers: the main layer, which is formed by pho-
toionization from extreme ultraviolet radiation (EUV,  <120 nm), and the lower
layer, which is formed by photoionization from soft X-rays (SXRs,  <10 nm) and
subsequent electron impact ionization. In this dissertation I investigate how the solar
EUV and SXR irradiance controls these layers at Venus and Mars. First, I develop
an empirical model of the ultraviolet (UV,  <190 nm) solar spectrum as a function
of F10.7, which is a commonly used proxy of the UV irradiance. I derive power-
law relationships between F10.7 and the ionizing irradiance for ve neutral species
and show that the relationships are nonlinear. These relationships can be used to
estimate the EUV irradiance when no solar spectrum measurements are available.
Second, I show that the peak electron densities in the ionospheres of Venus and Mars
v
are proportional to the square-root of the ionizing irradiance, which is in contrast to
previous studies that have used F10.7 as their representation of the UV irradiance.
This nding ameliorates a discrepancy between theory and observations and is in
agreement with the prediction that dissociative recombination is the main ion loss
mechanism near the ionospheric peaks at Venus and Mars. Third, using a numerical
model and electron density proles from Venus Express, I examine the behavior of
the peak altitude, peak density, and morphology of the lower layer at Venus. I show
that the peak altitudes and densities in the lower and main layers vary similarly with
solar zenith angle (SZA). This implies that neutral and electron thermal gradients at
these altitudes vary little with SZA. I also show that, compared to the main layer,
the lower layer morphology and peak density varies more over the solar cycle due to
the hardening of the solar spectrum.
vi
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1Chapter 1
Introduction
1.1 Motivation
For a planet to be habitable it must satisfy two fundamental requirements (Gudel
et al., 2014). First, the planet must have a liquid or rocky surface. This requirement
motivates our exploration of the terrestrial planets Venus, Earth, and Mars. Second,
the planet must have a stable atmosphere that can maintain an abundance of liq-
uid water. Earth meets this second requirement with an atmosphere that provides
adequate surface conditions to maintain a global liquid ocean and a complex bio-
sphere. By contrast, the atmosphere of Venus is too dense (92 bars) and too hot
(740 K) most likely due to the runaway greenhouse eect (Kasting , 1988; Lammer
et al., 2008). Consequently, the total water inventory of Venus is several orders of
magnitude smaller than that of Earth (Baines et al., 2013; Bullock and Grinspoon,
2013). Alternatively, the atmosphere of Mars is too tenuous (5 mbars) and too cold
(210 K). Most of the water inventory at Mars is trapped as subsurface ice or in the
polar ice caps (Carr , 1987; Cliord et al., 2000; Feldman et al., 2004).
What processes led to Venus, Earth, and Mars having vastly dierent atmo-
spheres and water inventories? The answer to this question undoubtedly lies in a
variety of factors (Lammer et al., 2008) including the initial conditions of the solar
nebula; subsequent water delivery from planetesimals; volcanic outgassing; biologic
activity; and nally, atmospheric loss to space, which is the motivation of this disser-
tation.
2There are several processes at Venus and Mars that lead to the escape of neutrals
and ions from the upper atmosphere. These include Jeans escape, pick-up ion escape,
photochemical escape, ion sputtering, and ion outow (Tian et al., 2013; Jakosky
et al., 2015). All of the escape processes are ultimately powered by the Sun, so
it is important to understand how the Sun's energy output varies on all timescales.
Furthermore, the thermospheres and ionospheres of Venus and Mars are the reservoirs
from which the atmosphere is lost to space, so it is important to characterize these
regions, which helps to develop a comprehensive picture of the physical processes
at work and provides benchmarks for numerical simulations of upper atmospheric
processes.
The overarching goal of this dissertation is to explore how the Sun's variability
at ultraviolet wavelengths aects plasma densities in the dayside ionospheres of Venus
and Mars. Accomplishing this goal will also increase our understanding of how plasma
in the ionospheres of Venus and Mars varies throughout the 11 year solar cycle.
In the sections that follow I provide the relevant background material for the
subsequent chapters. I begin with an introduction of the solar spectrum (Sec. 1.2) and
then describe the basic properties of the thermospheres and ionospheres of Venus and
Mars (Sec. 1.3-1.4). Next, I describe radio occultation experiments, which provide
electron density proles that are frequently used throughout (Sec.1.5). I end with the
specic questions that will be answered in this dissertation (Sec. 1.6).
1.2 The solar spectrum
The Sun emits radiation at wavelengths across the entire electromagnetic spec-
trum (Figure 1.1). The `surface' of the Sun, the photosphere, is characterized by a
5770 K blackbody spectrum that peaks at visible wavelengths (Lean, 1991). Above
the photosphere the temperature increases signicantly with altitude, it reaches thou-
3Fig. 1.1: The spectrum of the Sun at all wavelengths (Tobiska, 2004). The spectrum
peaks at visible wavelengths where it is characterized by a 5770 K blackbody curve.
The blackbody portion of the spectrum is emitted from the photosphere. At shorter
wavelengths that encompass the far ultraviolet (FUV), extreme ultraviolet (EUV)
and soft X-rays (SXR), the spectrum becomes primarily emission lines arising from
the hot chromosphere and corona.
sands of degrees in the chromosphere, one million degrees in the transition region,
and several millions of degrees in the corona (Lean, 1991; Harder and Woods , 2013).
These hot regions in the solar atmosphere emit ultraviolet (UV,  < 200 nm) radiation
that constitutes less than one percent of the Sun's total energy output. Nevertheless,
UV radiation is an important component because it heats, dissociates, and ionizes
neutral molecules in the upper atmospheres of Venus and Mars.
4The spectrum at UV wavelengths (Fig. 1.1) is primarily composed of ionization
continua and emission lines from major and minor species (Woods et al., 2004). It is
commonly separated into three wavelength regimes (Woods , 2008): the far ultraviolet
(FUV, 120-200 nm), the extreme ultraviolet (EUV, 10-120 nm), and soft X-rays (SXR,
0.1-10 nm). Radiation with shorter wavelengths originates from hotter, more tenuous
regions higher in the solar atmosphere; FUV is emitted from the chromosphere, EUV
is emitted from both the transition region and corona, and SXRs are emitted from
the corona (Lean, 1987, 1991; Woods and Rottman, 2002; Lean et al., 2011).
UV emissions vary with the Sun's 11-year solar cycle and in general the varia-
tions increase towards shorter wavelengths. From solar minimum to solar maximum
emissions increase by a factor of about 2 in the FUV, 5 in the EUV, and 5  100 at
SXR wavelengths (Lean, 1987, 1991; Woods and Rottman, 2002; Lean et al., 2011).
EUV and SXR radiation is absorbed in the upper atmospheres of Venus and Mars and
is energetic enough to photoionize neutral constituents in their upper atmospheres.
This photoionization is the primary process by which the ionospheres of Venus and
Mars are produced and maintained.
Measurements of the solar UV require space-based observatories and several suc-
cessful missions have been carried out since the 1960s (Woods et al., 2004; Woods ,
2008). However, there was no continuous monitoring of the full EUV and SXR spec-
trum until the 2002 launch of the Thermosphere Ionosphere Energetics and Dynam-
ics (TIMED) spacecraft, which is equipped with the Solar EUV Experiment (SEE)
(Woods et al., 2005). The SEE instrument makes daily observations of the solar spec-
trum at all wavelengths important for photoionization (0.5-190 nm). I will frequently
use these observations in the chapters that follow.
The lack of continuous UV observations led to the development of several proxies
of the EUV irradiance. The most commonly used proxy is the F10.7 solar index,
5which is a measure of the solar ux at a wavelength of 10.7 cm. The solar emissions
at this radio wavelength { which arise primarily from thermal bremsstrahlung and
gyro-resonance emissions from plasma trapped above active regions (Dudok de Wit
et al., 2014) { have long been known to vary over the solar cycle in sync with the EUV
irradiance. Figure 2.2 shows the variation of F10.7 from 1986 to 2008, a time period
that encompasses two solar cycles. The F10.7 solar index is advantageous because
it can readily be measured on the ground and there is a long track record of F10.7
observations dating back to 1947. The disadvantage of F10.7 is that its correlation
with the EUV is not a one-to-one relationship (e.g., Balan et al., 1993). This is hardly
surprising since F10.7 is a measure of the solar ux at radio wavelengths that are far
removed from the EUV and SXR wavelength bands.
Recently, Tobiska (2001) developed a new proxy, the E10.7 solar index, which is
a measure of the total irradiance between 1-105 nm. Figure 2.2 shows the variation
of E10.7 from 1986 to 2008. The advantage of E10.7 is that it is based on the solar
ux at EUV and SXR wavelengths. The disadvantage of E10.7 is that it is calculated
using a semi-empirical model of the solar spectrum rather than direct observations.
Both F10.7 and E10.7 are imperfect representations of the solar irradiance at EUV
and SXR wavelengths, and this topic will be explored further in Chapter 2.
1.3 Thermospheres of Venus and Mars
Our knowledge of the Venus and Mars upper atmospheres comes primarily from
spacecraft observations over the past ve decades. The most comprehensive in situ
observations of the Venus upper atmosphere were obtained by the Pioneer Venus
Orbiter (PVO) between 1978 and 1980 when its periapsis was 150 km (Bauer et al.,
1977; Brace et al., 1983; Hunten et al., 1983; Bougher et al., 1989). More recent
measurements were obtained by the Venus Express (VEX) spacecraft between 2006-
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Fig. 1.2: The F10.7 and E10.7 EUV proxies throughout two solar cycles from 1986
to 2008.
2015 (Svedhem et al., 2009). However, the peripasis of VEX was 400 km so it was
unable to make in situ measurements of the upper atmosphere.
Our knowledge of the Mars upper atmosphere has come from accelerometer
experiments, UV observations, stellar occultations, and infrequent landers (Stewart
et al., 1972; Sei and Kirk , 1977; Keating et al., 1998; Tolson et al., 2005; Withers ,
2006; Leblanc et al., 2006; Forget et al., 2009; McDunn et al., 2010; Bougher et al.,
2014). The only in situ observations of upper atmospheric and ionospheric composi-
tion were obtained by the Viking 1 and 2 landers in 1976 (Sei and Kirk , 1977; Nier
and McElroy , 1977; Hanson et al., 1977; Hanson and Mantas , 1988). The Mars At-
7mosphere and Volatile Evolution spacecraft (MAVEN) (Jakosky et al., 2015) arrived
at Mars in 2014 with a suite of sophisticated instruments to obtain routine in situ
observations down to 150 km throughout its one year primary mission. However,
at the time of writing few MAVEN results have been released (Benna et al., 2015;
Schneider et al., 2015). Since most of the work in this dissertation was concluded
before the initial release of MAVEN data, it will not be included in the chapters that
follow.
Table 1.3 lists some basic parameters of Venus and Mars. Venus has negligible
axial tilt and a near-circular orbit at a heliocentric distance of 0.72 AU. As a conse-
quence, there are no seasons on Venus and the solar irradiance incident on the planet
is constant throughout the year. Venus is a slow rotator with one Venus solar day
being equal to 117 Earth days. By contrast, Mars has an axial tilt of 25 degrees
and a highly eccentric orbit at a heliocentric distance that varies from 1.38-1.67 AU.
Mars has seasons with the northern summer solstice occurring near aphelion and the
northern winter solstice occurring near perihelion. The solar irradiance incident on
Mars varies by 44% throughout the year due to the large variation in the Mars-Sun
distance (Bougher et al., 2014). Mars rotates much faster than Venus with one Mars
day being equal to 1.03 Earth days.
Unlike Earth, both Venus and Mars have small intrinsic dipole magnetic elds,
although Mars has inhomogeneous crustal magnetic elds concentrated in the south-
ern hemisphere (Acu~na et al., 1999). As a consequence, Venus and Mars do not have
global magnetospheres to act as an obstacle to the solar wind. Instead, the inter-
action between the solar wind and the upper atmosphere induces magnetic elds in
the ionospheres of Venus and Mars and forces the solar wind magnetic eld to drape
around the planet in a comet-like conguration (Ma et al., 2008).
8Table 1.1: Basic properties of Venus and Mars.
Flux proxy Venus Mars
Heliocentric distance (AU) 0.72 1.38-1.67
Axial tilt (degrees) 1-3 25
Planetary radius (km) 3396 6050
Surface gravity (m s 2) 8.9 3.7
Day length (Earth days) 117 1.03
Thermosphere temperature (K) 230-310 220-325
Thermosphere scale height (km) 4-12 8-22
The thermospheres of Venus and Mars, which are shown schematically in Fig-
ure 1.3, are the upper atmospheric regions (100-200 km) where the temperature in-
creases with altitude as a result of heating from the absorption of UV solar radiation.
The upper boundary of the thermosphere, the exobase, marks the altitude above
which collisions are rare and particles with outward trajectories and sucient speeds
are likely to escape (Chamberlain and Hunten, 1987). Within the thermosphere is a
transition region known as the homopause (125 km) (Nier and McElroy , 1977; Hedin
et al., 1983), the boundary above which the atmosphere is no longer well mixed and
species diusively separate based on their unique molecular masses and scale heights
(Chamberlain and Hunten, 1987). Thus, lighter species become more abundant with
increasing altitude.
The thermospheres of Venus and Mars couple the lower atmosphere to the exo-
sphere and mediate escape processes in several ways (Chamberlain and Hunten, 1987;
Chasseere and Leblanc, 2004; Lammer et al., 2008; Tian et al., 2013; Bougher et al.,
2014; Jakosky et al., 2015): general circulation and upward propagating waves trans-
port mass and energy upward into the thermosphere where they can alter escape
rates; solar EUV radiation heats and ionizes particles in the thermosphere result-
ing in Jeans and photochemical escape; and the ionosphere-solar wind interaction
regulates escape via pickup, sputtering, and outow. Thus, characterization of the
9Fig. 1.3: A schematic of the upper atmospheres of Venus and Mars showing the
transition from the well-mixed lower atmosphere to diusive upper atmosphere. The
thermosphere is the yellow portion which is bounded above by the exobase. Figure
adapted from Jakosky et al. (2015).
thermosphere-ionosphere system over a wide range of conditions is critical for esti-
mating escape rates and unveiling the climate histories of Venus and Mars.
Figure 1.4 shows the composition of the Venus and Mars thermospheres as mea-
sured by in situ observations. At Venus, O is the most abundant neutral species above
160 km. However, below 160 km, CO2 is expected to become the most abundant
neutral species by at least one order of magnitude (Hedin et al., 1983). Minor species
in the thermosphere of Venus include CO, N2, N, and He. The composition of the
Mars thermosphere is similar to that of Venus (Fig.1.4) with CO2 being the dominant
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Fig. 1.4: The thermospheres of Venus (left) and Mars (right) from in situ observations.
The Venus gure is from Niemann et al. (1980) and the Mars gure is from Nier and
McElroy (1977).
neutral species below 200 km. Minor species in the thermosphere of Mars include
N2, CO, O2 and NO.
A major dierence between the thermospheres of Venus and Mars is that O is
much more abundant at Venus. Since O is produced primarily as a byproduct of
photodissociation and photochemical reactions, the larger abundance of O at Venus
is likely due to its close proximity to the Sun, which allows it to receive about four
times more UV radiation than Mars (Bougher et al., 1999a; Fox and Sung , 2001).
Somewhat unexpectedly, thermospheric temperatures at Venus are similar to those
at Mars (Table 1.3). The is due to CO2 15 micron cooling, a process in which
CO2 is vibrationally excited through atomic and molecular collisions. The excited
CO2 molecule eventually relaxes back to the ground state and emits a 15 micron
photon. The net result is a loss of thermal energy. The larger abundance of O at
Venus increases the eciency of this cooling mechanism resulting in thermospheric
temperatures that are similar to those at Mars (Bougher et al., 1999a). Although
the neutral temperatures are similar at both planets, the neutral scale heights (H =
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Fig. 1.5: The global thermospheric (125 km) winds at Venus (top) and Mars
(bottom). The gures show model results from Bougher et al. (1999a).
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kT=mg) are dierent. The neutral scale height in the thermosphere of Venus is
about half that at Mars (Table 1.3), the dierence is primarily due to the stronger
gravitational acceleration at Venus.
The dynamics of the Venus and Mars thermospheres are distinct due to their
dierent planetary rotation periods. The slow rotation of Venus sets up a signi-
cant thermal gradient on the day-night terminator that drives strong thermospheric
winds from the subsolar point to the antisubsolar point (Bougher et al., 1999a). A
model prediction of the Venus global thermospheric winds is shown in Figure 1.5.
By contrast, the fast rotation of Mars drives thermospheric winds that are quite dif-
ferent than those at Venus. The thermospheric winds at Mars are more similar to
Earth and exhibit a dawn/dusk asymmetry. A model prediction of the Mars global
thermospheric wind patterns is shown in Figure 1.5.
1.4 Ionospheres of Venus and Mars
The ionospheres of Venus and Mars are the layers of charged particles embedded
in the thermosphere. The dayside ionospheric plasma is produced primarily by pho-
toionization from solar EUV and SXR radiation as it travels downward through the
atmosphere. In addition, plasma production and plasma loss are controlled by ion-ion
chemical reactions, ion-neutral chemical reactions, and plasma transport processes.
However, plasma transport processes at Venus and Mars are unimportant below 200
km because the photochemical timescale below that altitude is much shorter than the
diusion timescale (Chen et al., 1978; Kim et al., 1989; Withers , 2009; Schunk and
Nagy , 2009; Mendillo et al., 2011). Thus, below 200 km the ionospheres of Venus
and Mars are in photochemical equilibrium (PCE).
The fundamental equation that governs ionospheric processes is the continuity
equation, which represents the conservation of mass. It is given by
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@Ns
@t
+r  (Ns~vs) = Ps   Ls (1.1)
where Ns is the ion density of species s, t is time, vs is the ion velocity, Ps is the
ion production rate (cm 3s 1), and Ls is the ion loss rate (cm 3s 1). In PCE, the
divergence of the ion ux, the second term in Equation 6.1, is negligible and the
ionosphere reaches a steady-state so that Ps = Ls. Hence, the PCE regions are
governed by photoionization and chemical reactions.
The PCE regions of the ionospheres of Venus and Mars have analogous vertical
structures (Kliore, 1992; Schunk and Nagy , 2009). In particular they have two layers,
the main layers, called the V2 layer at Venus and the M2 layer at Mars, and the
lower layers, called the V1 layer at Venus and the M1 layer at Mars. The main layers
(V2/M2) are where the ionospheric peak is located, they are produced primarily by
photoionization of CO2 from EUV photons with wavelengths between 15-90 nm. The
90 nm cuto is due to the ionization threshold wavelength of CO2 being 90.04 nm
(Schunk and Nagy , 2009). The lower layers (V1/M1) lie below the main layers and
frequently lack a distinct local maximum. They have been described as a \shelf-
like" feature lying below the main layer. The lower layers are produced primarily
by SXR photons with wavelengths less than 15 nm. Since these short wavelength
photons are more energetic than those deposited in the main layer, plasma in the
lower layers is produced primarily by secondary ionization (Fox , 2007, 2009), the
process whereby energetic photoelectrons ionize neutral molecules through collisions
as they thermalize.
The composition of the ionospheres of Venus and Mars are similar and are shown
in Figure 1.6. The most abundant ion species at the main and lower layers is O+2 .
Other measured ion species include O+ and CO+2 and several minor species are also
predicted to be present (Fox and Sung , 2001; Fox , 2015). The chemistry of the PCE
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Fig. 1.6: The ionospheres of Venus (left) and Mars (right) from in situ observations.
The Venus gure is from Knudsen et al. (1979) and the Mars gure is from Hanson
et al. (1977).
regions has been well established by observations and numerical models (Schunk and
Nagy , 2009). The basic chemistry is as follows
CO2 + photon<90 nm ! CO+2 + e  (1.2)
CO+2 +O! O+2 + CO (1.3)
O+2 + e
  ! O+O (1.4)
The chemical reaction shown in Eq. 1.3 is very rapid so that photoproduced
CO+2 is quickly converted into O
+
2 . This explains why O
+
2 is the dominant ion species
(Fig. 1.6). The chemical reaction shown in Eq. 1.4 is the dissociative recombination
(DR) of O+2 , which is the dominant ion loss process in the PCE regions (Fox , 2004,
2007). This reaction can also lead to photochemical escape at Mars when a resultant
15
O atom has enough energy to escape Mars' weak gravitational eld. The rate of
this DR reaction is dependent on the electron temperature. Electron temperatures
at Venus have been suciently characterized for a range of conditions using PVO
observations (Theis et al., 1980), but electron temperatures at Mars are notoriously
lacking (e.g, Matta et al., 2014).
Studies of the ionospheres of Venus and Mars frequently focus on characterizing
the peak electron densities and peak altitudes of the main and lower layers. These
characterizations are useful for understanding how the ionosphere varies under dier-
ent conditions and provide a convenient way to compare observations to predictions
from numerical models (e.g., Cravens et al., 1981; Mendillo et al., 2011; Fox and
Weber , 2012; Peter et al., 2014).
Observations of peak properties are also frequently compared to the predictions
of Chapman theory (e.g., Cravens et al., 1981; Hantsch and Bauer , 1990; Morgan
et al., 2008; Fox and Yeager , 2006, 2009; Fox and Weber , 2012; Fallows et al., 2015a),
which is a simplied framework for the formation of ionospheric layers (Chapman,
1931a). Chapman theory relies on a number of egregious assumptions that are vio-
lated at Venus and Mars. Nevertheless, the predictions of Chapman theory provide a
benchmark to evaluate the behavior of the ionosphere against. Predictions that are
satised, predictions that fail, and the ways in which they fail are valuable constraints
on numerical models that attempt to accurately describe the physical processes at
work in the ionosphere. In Chapter 3 I will outline the derivation of Chapman the-
ory and discuss its relevance to the ionosphere of Mars. In Chapters 4 and 5 I will
compare observations of the ionospheres of Venus and Mars to the predictions of
Chapman theory.
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Fig. 1.7: A) Demonstration of a typical radio occultation experiment. Figure from
Withers (2009). B) Doppler residuals, the frequency dierence between the signal
transmitted by the spacecraft and signal received at Earth, are calculated as a function
of distance above the planet. Figure from Hinson et al. (2001).
1.5 Electron density proles from radio occultation experi-
ments
In the chapters that follow I will frequently use electron density proles derived
from radio occultation experiments. In a typical radio occultation experiment, the
spacecraft transmits a radio signal of known frequency towards Earth as it occults
the disk of the planet. A demonstration of this procedure is shown in Figure 1.7A.
The path of the radio signal is altered by the ionosphere, which introduces a shift in
the frequency of the transmitted signal. Upon reaching Earth, the frequency of the
received radio signal is measured as a function of time, and the dierence between the
transmitted and received signals is called the Doppler residual. The Doppler residuals
as a function of time are then converted to a function of radial distance from the planet
by considering the known trajectory of the spacecraft. An example of the Doppler
residuals as a function of distance from the planet is shown in Figure 1.7B.
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The Doppler residuals resulting from ionospheric plasma are directly propor-
tional to the electron density integrated along the path of the radio signal. This can
be represented with the equation (Hausler et al., 2007)
f(Hz) =  40:3
cfT
d
dt
Z Earth
SC
Ne(s)ds (1.5)
where f is the Doppler residual, c is the speed of light, fT is the transmitted signal,
and Ne(s) is the electron density along the ray path. The integral is over the entire ray
path from the spacecraft to Earth. The parameters in this equation can be converted
from a function of the ray path, s, to a function of distance above the planet. Then,
assuming a spherically symmetric ionosphere, Equation 1.5 can be inverted via the
Abel transform to solve for the electron density as a function of altitude above the
planet (Fjeldbo et al., 1971; Hinson et al., 1999;Withers , 2010). The result is a vertical
prole of electron density as a function of altitude. Examples of radio occultation
electron density proles from Venus and Mars are shown in Figure 1.8.
There are several uncertainties that must be considered when using electron
density proles derived from radio occultation experiments. First, the conversion
from Doppler residuals to electron densities requires the assumption of a spherically
symmetric ionosphere. Since the ionospheres of Venus and Mars vary signicantly
with latitude and local time, this assumption leads to some uncertainty in the derived
proles (Withers , 2010). Second, the inversion process relies on precise knowledge of
the spacecraft trajectory and the ground station velocity, which also introduces some
uncertainty. Third, the radio signals are not only altered by the ionospheres of Venus
and Mars, they are also altered by interplanetary plasma and Earth's ionosphere.
These eects are accounted for by applying a baseline correction before processing
but the procedure is imperfect (Withers , 2010). Despite these uncertainties, the
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Fig. 1.8: Example electron density proles derived from radio occultation experiments
on Venus Express (left) and Mars Global Surveyor (right). The main (V2/M2) and
lower (V1/M1) layers are labeled.
radio occultation technique provides valuable ionospheric data that has been applied
to many solar system objects.
1.6 Goals and outline
The overarching goal of this dissertation is to understand how the Sun's vari-
ability at ultraviolet wavelengths aects plasma densities in the ionospheres of Venus
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and Mars. This goal will be accomplished by answering several questions that are
presented below.
Questions 1 and 2
1. What is the nominal ultraviolet solar spectrum for a given F10.7 solar index?
2. What is the total ionizing irradiance for a given F10.7 and planetary atmo-
sphere?
I will address both of these questions in Chapter 2 by developing an empirical model
of the ultraviolet solar spectrum as a function of F10.7. Although a similar empirical
model exists (Richards et al., 2006), it was developed from limited data obtained
during the rising phase of Solar Cycle 21 (1977-1980). Here I use data from the
declining phase of Solar Cycle 23 and the deep solar minimum of Solar Cycle 24 (2003-
2010). Furthermore, although previous studies have explored how the total ionizing
irradiance varies with F10.7 (Question 2), they have not addressed its dependence on
atmospheric composition.
Question 3
3. How do the peak electron densities in the ionospheres of Venus and Mars vary
throughout the solar cycle?
Many previous studies have explored this topic but their results are in direct conict
with theoretical expectations. However, these studies have used proxies of the ionizing
irradiance, such as F10.7 or E10.7, rather than direct observations. I will address this
in Chapter 3 by using observations of the total ionizing irradiance to determine how
the peak electron densities at Venus and Mars vary with solar activity.
20
Question 4
4. How well does Chapman theory describe the ionosphere of Mars?
Many studies have compared the observed behavior of the ionosphere of Mars to the
predictions of Chapman theory, but these results have never been synthesized. I will
address this in Chapter 4 by discussing how well the assumptions of Chapman theory
describe the Mars environment and by testing eight predictions of Chapman theory
for the ionosphere of Mars.
Questions 5 and 6
5. How does the lower layer in the dayside ionosphere of Venus vary with solar
zenith angle and solar activity?
6. Can a photochemical model reproduce the behavior of the main and lower layers
in the ionosphere of Venus?
Many previous studies have characterized how the main layer (V2) in the ionosphere of
Venus is inuenced by solar zenith angle and solar activity, but few have characterized
the lower layer (V1). As a result, numerical models of the Venus ionosphere have been
validated against observations of the main layer peak properties but not the lower
layer peak properties. I will address this issue in Chapters 5 and 6. First, in Chapter
5, I characterize how the peak altitude, peak density, and morphology of the lower
layer varies with solar zenith angle and solar activity. Then, in Chapter 6, I develop a
photochemical model of the Venus ionosphere and validate it against the observational
results from Chapter 5.
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Chapter 2
An empirical model of the extreme
ultraviolet solar spectrum as a function of
F10.7
2.1 Introduction
The solar ultraviolet (UV,  < 200 nm) irradiance is only a small fraction of the
Sun's total energy output, but it is an important component that heats, dissociates,
and ionizes planetary upper atmospheres. Studies of these atmospheric processes
benet from an understanding of how the UV irradiance varies with solar activity.
However, because UV measurements cannot be obtained from the ground, the F10.7
solar index (Chapter 1) is frequently used as a proxy for the UV irradiance. The goals
of this chapter are to develop an empirical model of the UV spectrum as a function
of F10.7 and to determine the relationship between the UV irradiance and F10.7.
Recent measurements by the Solar EUV Experiment (SEE) on the Thermosphere
Ionosphere Mesosphere Energetics and Dynamics (TIMED) spacecraft have provided
a wealth of new observations that are well-suited for accomplishing these goals. The
SEE instrument observes the solar spectrum at the three wavelength regimes that
encompass the UV spectrum (Woods , 2008): the far ultraviolet (FUV, 120-200 nm),
the extreme ultraviolet (EUV, 10-120 nm), and soft X-rays (SXR, 0.1-10 nm)
The rst goal of this chapter is to develop a new empirical model of the UV
spectrum as a function of F10.7. Early models of the UV spectrum and its variability
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(Hinteregger et al., 1981; Tobiska, 1991; Richards et al., 1994) were constructed from
a limited number of rocket observations and measurements from the Atmospheric
Explorer E (AE-E) spacecraft between 1977 and 1980. More recent models (Tobiska
et al., 2000; Chamberlin et al., 2007, 2008; Lean et al., 2011) have been constructed
from SEE observations obtained since 2002. These models are parameterized with
one or more proxies of the EUV and SXR irradiance, including F10.7, and some also
include physics-based components (e.g., Warren, 2006; Kretzschmar et al., 2006).
However, these models typically produce spectra for specic dates rather than for
specic levels of F10.7. There is one frequently used model, called HEUVAC (Richards
et al., 2006), that is based on F10.7. It was developed from observations obtained
between 1977-1980. In Section 2.4.3 I will compare the empirical model developed in
this work to the HEUVAC model.
Despite the availability of these models and the abundance of high-quality solar
spectra from SEE and its successor, the EUV Variability Experiment on the Solar
Dynamics Observatory (SDO-EVE), there is still value in developing an empirical
model of the UV spectrum as a function of F10.7, which has not yet been done
with the exceptional SEE database. The model can be used to estimate the solar
spectrum at the time of ionospheric and thermospheric observations from the ve
decades preceding the launch of TIMED. The model can also provide benchmark
solar spectra for modelers who wish to use a spectrum for a given level of solar
activity rather than from a particular moment in time.
The second goal of this chapter is to determine the relationship between F10.7
and the ionizing irradiance, which is dened as the integrated ux within some EUV
wavelength band. Early analyses of solar EUV spectra concluded that the relation-
ship between F10.7 and the ionizing irradiance was linear (Hinteregger et al., 1981;
Roemer et al., 1983; Hedin, 1984). However, more recently, two lines of evidence
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have suggested that the relationship is nonlinear. First, when observed ionizing ir-
radiances are plotted as a function of F10.7, the relationships appear to be linear at
smaller values of F10.7, but the slopes atten at larger values of F10.7 (Balan et al.,
1993; Richards et al., 1994; Balan et al., 1994, 1996; Liu et al., 2006). Second, at
most levels of solar activity there is a stable relationship between F10.7 and certain
ionospheric properties such as the peak electron density or the total electron con-
tent (TEC). However, this relationship breaks down at larger values of F10.7 where
the ionospheric properties increase more slowly than expected (Balan et al., 1993,
1994, 1996; Liu et al., 2006; Park et al., 2008; Liu et al., 2009; Liu and Chen, 2009;
Adeniyi and Ikubanni , 2013). This phenomenon is known as the \saturation eect"
and has also been observed at Mars (Girazian and Withers , 2013; Mendillo et al.,
2013; Withers et al., 2015).
The use of F10.7 as a proxy for the ionizing irradiance has made it dicult
to determine the exact nature of the saturation eect; does the ionosphere respond
dierently to the ionizing irradiance during high solar activity, or is it a consequence
of the nonlinear relationship between F10.7 and the ionizing irradiance? The presence
of similar phenomena in two dierent ionospheres favors the latter explanation, but
improved knowledge of how the ionizing irradiance varies with F10.7 will help answer
this question.
Previous work has shown that F10.7P = 1
2
(F10.7+F10.7A), where F10.7 is the
daily value and F10.7A is the 81-day (3 solar rotational periods) average, is a better
proxy for the ionizing irradiance than F10.7 because it can account for both short-term
(27-day rotation) and long-term (solar cycle) variability (Hinteregger , 1981; Richards
et al., 1994; Liu et al., 2006; Chen et al., 2011; Mendillo et al., 2013). Therefore, to
develop the empirical model I will use F10.7P in preference to F10.7.
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In Section 3.3 I introduce the data sets and construct the empirical model. In
Section 2.3 I investigate the variability of the UV spectra with F10.7P. In Section 2.4 I
determine the relationship between F10.7P and the ionizing irradiance for ve neutral
species common in planetary upper atmospheres. In Section 2.5 I determine the
relationship between F10.7P and the ionization frequency for the same neutral species.
In Section 2.6 I discuss two ionospheric implications of the results, and in Section 3.5
I summarize the conclusions.
2.2 Data and procedure
I use two data sets to develop the empirical model: daily-averaged SEE spectra
and F10.7P solar indices. I construct the model by grouping the spectra into F10.7P
bins and nding the average spectrum within each group. In this section I introduce
these data sets and describe the averaging procedure in detail.
2.2.1 SEE spectra
The SEE experiment (Woods et al., 2005), comprised of the X-ray Photometer
System (XPS, 0.5-27 nm) and the EUV Grating Spectrograph (EGS, 27-194 nm),
has measured the solar spectrum 15 times per day since 2002. The SEE uxes
at wavelengths less than 27 nm are determined by scaling reference spectra with
the broadband XPS data (Woods et al., 2008). The SEE Level 3 Version 11 data
products, which I use here, are daily-averages of these spectra after instrument cal-
ibration, are removal, and correction to 1 AU. They have a wavelength range of
0.5 - 190 nm and a wavelength resolution of 1 nm. The spectra are available at
http://lasp.colorado.edu/home/see/data/daily-averages/level-3.
Although the SEE observations span a period between 2002 and present, I only
use those that are least prone to uncertainties arising from degradation of the in-
strument. Data from 2002 is prone to larger uncertainties because the instrument
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degradation was rapid at the beginning of the mission. In addition, the Version 11
data obtained after 2010 have not yet been corrected for degradation. Therefore, I
restrict the data to SEE observations from 2003 through 2010.
I acquired all of the Level 3 spectra recorded between 1 January 2003 and 31
December 2010. This period encompasses the declining phase of Solar Cycle 23 and
the prolonged minimum of Solar Cycle 24. I will refer to the highest levels of solar
activity during Solar Cycle 23 (F10.7P = 150-160) as solar moderate. Figure 2.1A
shows two examples of Level 3 spectra, one (red) obtained in 2003 during solar mod-
erate when F10.7P=160, and the other (blue) in 2009 during solar minimum when
F10.7P=70.
Although the SEE spectra are measured in units of energy ux (W m 2 nm 1),
studies of some processes such as photoionization benet from units of photon ux
(m 2 s 1 nm 1). Therefore, I converted the energy ux spectra into photon ux
spectra by dividing the ux at each wavelength by the energy of a photon, hc=,
where h is Planck's constant, c is the speed of light, and  is the wavelength at the
center of each 1 nm wide bin. Figure 2.1B shows photon ux versions of the two
energy ux spectra shown in Figure 2.1A. Figures 2.1A and 2.1B show that, at all
wavelengths, the ux is greater during solar moderate than during solar minimum,
and the relative increase is greatest at shorter wavelengths.
2.2.2 F10.7P-averaged spectra
I collected 1 AU-adjusted noontime F10.7 solar indices from the Dominion Radio
Astro-
physical Observatory (ftp://ftp.ngdc.noaa.gov/STP/space-weather/solar-data/solar-
features/solar-radio/noontime-ux/penticton/penticton adjusted/listings/) and used
them to calculate F10.7A and F10.7P values, where F10.7A is the 81-day average and
F10.7P=1
2
(F10.7+F10.7A). There was one date when no F10.7 observation was avail-
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Fig. 2.1: A) Examples of daily-averaged (Level 3) SEE energy spectra obtained at
times of low and moderate solar activity. The low solar activity spectrum (blue) is
from 23 October 2009 when F10.7P=70. The moderate solar activity spectrum (red)
is from 14 October 2003 when F10.7P=160. B) The same spectra as in Panel A after
being converted from energy ux to photon ux (Sec. 3.3).
able, and it was not counted as a day when calculating the 81-day averages. Figure 2.2
shows F10.7, F10.7A, and F10.7P from 2003 through 2010. The same basic trends
are present in all three quantities: a declining phase from 2003 to 2008, a prolonged
stable minimum from 2008 to 2010, and a weak increase after 2010.
Next, I matched the dates of the F10.7 indices to those of the SEE spectra
and eliminated the single spectrum obtained on the day when no noontime F10.7
observation was available. In addition, because it is not possible to construct a
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Fig. 2.2: Solar indices from the beginning of 2003 through the end of 2010. A) Daily
noontime values of F10.7. B) F10.7A, the 81-day averaged F10.7. C) F10.7P =
1
2
(F10.7 + F10.7A).
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Table 2.1: Number of SEE spectra used in the averaging procedure for each F10.7P
bin.
F10.7 bin Number of spectra
60-70 504
70-80 961
80-90 510
90-100 231
100-110 216
110-120 184
120-130 137
130-140 93
140-150 29
150-160 18
Total 2883
meaningful average with a very small number of spectra, I discarded the 13 spectra
that were obtained when F10.7P was greater than 160. At the conclusion of this data
preparation 2883 spectra remained for averaging and analysis.
With each SEE spectrum now assigned an F10.7P value, I began the averaging
procedure. First, I separated the F10.7P values and their corresponding spectra into
10 bins, each 10 F10.7P units wide, from F10.7P=60-70 to F10.7P=150-160. Table 2.1
lists these bins and the total number of spectra in each bin. For F10.7P less than
130, all bins contain between 100 and 504 spectra. For F10.7P greater than 130, all
bins contain between 18 and 93 spectra. I then averaged all of the spectra in each
F10.7P bin, constructing 10 F10.7P-averaged energy ux spectra and 10 F10.7P-
averaged photon ux spectra. Figure 2.3 demonstrates this procedure by showing the
216 spectra (gray) in the F10.7P=100-110 bin and the resultant average spectrum
(black). These F10.7P-averaged spectra are long-term solar cycle averages and are
shown in Figures 2.4A and 2.4B. They are also provided as supplementary material
in Girazian and Withers (2015).
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In addition to knowing the average solar spectrum associated with a particular
F10.7P value, it is also useful to know the range of spectra, or uncertainty, associated
with that F10.7P value. For instance, Figure 2.3 illustrates that the uncertainty in
the solar spectrum at F10.7P=100-110 is greater at some wavelengths than others.
Therefore, I calculated the standard deviation of all ux values at a given wave-
length and F10.7P value, as illustrated in red in Figure 2.3. Then, I calculated the
uncertainty, which is dened for each wavelength and F10.7P value as the standard
deviation normalized to the average ux. This uncertainty represents the totality
due to the precision of the SEE instrument (5%), the intrinsic solar variability, and
possible uncorrected trends in the instrument. The uncertainties are typically < 5%
in the FUV, 5% in the EUV, and 10% at SXRs.
2.3 Analysis of spectra
In this section I analyze the F10.7P-averaged spectra. I investigate the variation
of the spectra with F10.7P (Section 2.3.1) and the uncertainty of the spectrum from
each F10.7P bin (Section 2.3.2).
2.3.1 Variation of the UV spectrum with F10.7P
Figure 2.4 shows two well-known trends in the UV spectrum over the solar cycle
(Lean, 1987; Woods et al., 2004). First, the average ux at all wavelengths increases
with solar activity (lines in warmer colors are always above lines in cooler colors).
Second, the change in average ux with solar activity increases with decreasing wave-
length (separation between lines in warmer and cooler colors increases with decreasing
wavelength). I will refer to this trend as the hardening of the spectrum.
I further investigate the hardening of the spectrum using Figure 2.5A, which
shows each F10.7P-averaged spectrum relative to the solar minimum spectrum
(F10.7P=60-70). Because these relative uxes are dimensionless ratios, the energy
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Fig. 2.3: A demonstration of the averaging procedure. The 216 SEE spectra char-
acterized by an F10.7P value between 100 and 110 are shown with gray lines. The
F10.7P-averaged spectrum is shown with the black line. The 1 standard deviation
of the uxes is shown with the red lines. The spectra were truncated at 100 nm for
visual clarity.
ux and photon ux versions of Fig. 2.5A are identical. From solar minimum to solar
moderate (F10.7P=150-160),the uxes increase by an average factor of 1:2  0:1 in
the FUV (120-200 nm) and 1:9 1:0 in the EUV (10-120 nm).
In the SXR region (0.1-10 nm), which is the least accurate due to SEE's broad-
band measurements at these wavelengths, the uxes increase by an average factor of
3:6 0:6 for wavelengths between 3-10 nm, while the uxes in the two smallest wave-
length bins increase by a factor of 14 and 25, respectively. These numbers quantify
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Fig. 2.4: The F10.7P-averaged spectra in units of energy ux (Panel A) and photon
ux (Panel B). Colors indicate the F10.7P bin from which the average was derived.
the general trend of the hardening of the spectrum and are consistent with previous
studies (Lean, 1991;Woods and Rottman, 2002;Woods et al., 2004; Lean et al., 2011).
In addition, these variations are consistent with those expected given that FUV,
EUV, and SXR photons are emitted from dierent regions in the solar atmosphere.
Over the solar cycle, emissions from the cool chromosphere vary by 10-20%, emissions
from the hotter transition region vary by a factor of 1.6-3.0, and emissions from the
even hotter corona vary by a factor of 5-100 (Lean, 1987, 1991; Woods and Rottman,
2002; Lean et al., 2011). Thus, our results are consistent with FUV photons being
emitted from the chromosphere, EUV photons being emitted from both the corona
and the transition region, and soft X-ray photons being emitted from the corona.
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Fig. 2.5: A) Flux relative to solar minimum (F10.7P=60-70). B) The uncertainty in
the UV spectrum in each F10.7P bin (Sec. 2.2.2). The horizontal dashed line shows
the typical precision of the SEE instrument (5%) for comparison.
Figure 2.5A highlights another important trend: from solar minimum to solar
moderate, the uxes at wavelengths between 0.5 nm and 15 nm increase by an average
factor of 6, but the uxes at wavelengths between 15 and 90 nm increase by an
average factor of only 2. This is a specic example of the hardening of the spectrum
and it has implications for the ionospheres of Venus, Earth, and Mars (Sec. 2.6.2)
because these wavelength bands are the natural groupings for studying the ionospheric
layers at each planet.
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2.3.2 Uncertainty in the F10.7P-averaged spectra
In the previous section I analyzed the variation of the spectrum over the solar
cycle. Now I analyze the uncertainty (Sec. 2.2.2), which represents how varied the
subsets of spectra within each F10.7P bin are. Figure 2.5B shows the uncertainty as
a function of wavelength for each F10.7P bin compared to the precision of the SEE
instrument, which is 5% at most wavelengths (Woods and Eparvier , 2006).
The general trend is for the uncertainty to increase with F10.7P, but it is not
a simple monotonic relationship. During the prolonged solar minimum (F10.7P=60-
70), the uncertainty was consistent with the 5% precision of SEE at all wavelengths,
indicating an incredibly stable Sun with little variability.
The uncertainty also increases with decreasing wavelength at all levels of solar
activity. It is less than 5% in the FUV and is 10-20% in the EUV at wavelengths
less than 50 nm. The two smallest wavelength bins have the largest uncertainties,
there it is greater than 30%. These results show that F10.7P is least accurate at
predicting uxes at wavelengths less than 50 nm because the Sun is most variable at
those wavelengths.
2.4 Analysis of the ionizing irradiance
In this section I derive the ionizing irradiance from the spectra and analyze its
behavior. I derive power-law relationships between F10.7P and the ionizing irradi-
ance (Section 2.4.1); compare the accuracies of F10.7P and F10.7 as EUV proxies
(Section 2.4.2); and compare these results to the HEUVAC model (Section 2.4.3).
2.4.1 Determination of the ionizing irradiance
The ionizing irradiance { which is dened as the integrated ux within some
SXR and EUV wavelength band { is a single number that quanties the total number
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of ionizing photons per unit area per unit time incident on a planet. Since every
neutral species has a unique threshold wavelength for ionization, the portion of the
UV spectrum that contributes to ionization at a planet depends on the composition
of the neutral atmosphere, and, because atmospheric composition varies throughout
the solar system, the ionizing irradiance is a planet-specic quantity. I introduce the
symbol F for the ionizing irradiance.
Reducing the ionizing ux into a single number is a challenge and it is important
to note the limitations of the concept of F . These limitations include that planetary
atmospheres are composed of many neutral species and that absorption and ionization
cross-sections vary with wavelength. Nevertheless, F can provide a useful metric
for making and testing ionospheric predictions around the peak of the ionosphere,
particularly when no measurements of the UV spectrum are available at the right
place and the right time. Its primary benet is its potential to be a more accurate
EUV proxy than the commonly used F10.7 solar index.
As an example, consider Mars, whose atmosphere is almost entirely CO2, which
has a threshold wavelength for ionization of 90.04 nm (Schunk and Nagy , 2009).
Hence, the ionosphere of the Mars is formed mainly by photoionization of CO2 by
photons with wavelengths less than 90 nm. For Mars then, the appropriate F is that
for CO2. In this section, I derive relationships between F10.7P and F in energy ux
units (FE) and photon ux units (F P ), using threshold wavelengths appropriate for
ve neutral species common throughout the solar system. Although F P is gener-
ally more appropriate for applications involving direct photoionizaton, FE may be
appropriate for ionospheric regions that are produced primarily by secondary ioniza-
tion from photoelectrons, or for applications involving the energy budget of planetary
upper atmospheres.
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To derive F as a function of F10.7P for a particular neutral species, I integrated
the F10.7P-averaged spectra over all wavelengths below the threshold wavelength for
ionization of that species. For example, I derived F for CO2, FCO2 , by integrating the
F10.7P-averaged spectra between 0.5 and 90 nm. I also assigned an uncertainty to
the FCO2 at each F10.7P value by calculating FCO2 directly from each of the spectra
in that F10.7P bin, then nding the standard deviation of that ensemble. In addition
to FCO2 , I also calculated FN2 (79.58 nm), FH2 (80.35 nm), FO (91.03 nm), and FO2
(102.8 nm), which are common species in planetary atmospheres. Table 2.4.1 list the
neutral species, their threshold wavelengths for ionization, and the planetary upper
atmospheres in which they are most abundant (Schunk and Nagy , 2009). Since the
threshold wavelengths of N2 and H2 are within the 1 nm resolution of our spectra, FN2
and FH2 are equivalent. For planets on which the absorption of ionizing radiation is
dominated by a single neutral species, the choice of appropriate ionizing irradiance is
obvious. Venus, Mars, Jupiter, Saturn, and Titan fall into that category. However, for
a planet like Earth, which has a more mixed atmospheric composition, the calculation
of an appropriate ionizing irradiance is more challenging and outside the scope of the
present work.
Figure 2.6 shows FE and F P as a function of F10.7P for each species, both in-
crease monotonically with F10.7P. Motivated by evidence for a nonlinear relationship
between F10.7P and F (Sec. 6.1), I t each F to a power-law relationship with F10.7P
given by
F = A(F10:7P) (2.1)
where A is a tted constant and  is a tted exponent. This functional form was
chosen because it is the simplest nonlinear equation that provides a metric, , of
the nonlinearity between F and F10.7P. I determined the tted values by taking the
natural log of both sides of Equation 2.1 and using the linear least-squares technique
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Fig. 2.6: The ionizing irradiance (F ) as a function of F10.7P for N2, H2, CO2, O, and
O2. The ionizing irradiances for N2 and H2 are the same due to their similar threshold
wavelengths. The gray circles are F from each of the 2883 spectra, the black circles
are the F10.7P-averaged values, and the vertical black bars are their 1 uncertainties.
The red lines are the best-t power-laws of the form F = A(F10:7P). See Table 2.4.1
for the best-t parameters A and . The top row of panels were derived using energy
ux spectra and the bottom row of panels using photon ux spectra.
with each data point weighted by its uncertainty (Bevington and Robinson, 2003).
The middle value of each F10.7P bin was used for tting, except for the F10.7P=60-70
bin where F10.7P=67.5 was used because no spectra within that bin had an F10.7P
less than 65. Figure 2.6 shows the resultant power-law ts and Table 2.4.1 lists the
best-t parameters. Given a value of F10.7P, these relationships can be used to
determine F for a planetary upper atmosphere.
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The data in Table 2.4.1 shows that the energy ux best-t exponents (E) are
larger than the photon ux best-t exponents (P ). While the energy exponents
are in the range 1.02-1.11, indicating an almost linear relationship between FE and
F10.7P, the photon exponents are smaller, in the range 0.78-0.89. This conrms
our expectations of a nonlinear relationship between F P and F10.7P (Sec. 6.1). In
addition, the best-t parameters dier by species, which indicates that the magnitude
of the appropriate F , and its dependence on F10.7P, varies from planet to planet.
2.4.2 F10.7P vs. F10.7
Previous work has shown that F10.7P is a better proxy for the ionizing irradiance
than F10.7 (Richards et al., 1994; Liu et al., 2006; Chen et al., 2011; Mendillo et al.,
2013), but not for the specic wavelength bands I have chosen for F . To investigate
if F10.7P provides better predictions of F than F10.7, I repeated our procedure from
Section 2.4.1 using F10.7 in place of F10.7P. The results are shown in Figure 2.7.
Comparing Figs. 2.6 and 2.7 shows that, regardless of threshold wavelength, there is
more scatter in the F values when parameterized with F10.7 than when parameterized
with F10.7P. In addition, the scatter increases with F10.7 and is largest in the highest
solar activity bin (F10.7=150-160).
Table 2.4.2 lists the best-t parameters and their uncertainties for the ts shown
in Figure 2.7; the uncertainties are slightly larger when F10.7 is used in place of
F10.7P. In addition, the best-t exponents, which range from 0.72-0.82, are much
smaller than those derived using F10.7P (0.78-0.89). Thus, the relationship between
the F and F10.7 is more nonlinear than the relationship between F and F10.7P. These
results conrm those of previous studies that have shown F10.7P is superior to F10.7
as an EUV proxy.
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Fig. 2.7: Same as Figure 2.6 but showing F after averaging with F10.7 instead of
F10.7P. See Table 2.4.2 for the best-t parameters.
Table 2.3: Similar to Table 2.4.1 but showing best-t parameters using spectra aver-
aged with F10.7 rather than F10.7P. The ts are shown in Figure 2.7.
Species AE (1E-5) E AP (1E13) P
N2/H2 3:33 1:15 0:97 0:08 0:94 0:31 0:82 0:07
CO2 4:19 1:43 0:94 0:08 1:51 0:49 0:76 0:07
O 4:34 1:48 0:94 0:08 1:61 0:52 0:76 0:07
O2 5:60 1:87 0:90 0:07 2:49 0:79 0:72 0:07
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2.4.3 Comparisons with HEUVAC
In this section, I compare our F10.7P-averaged spectra and ionizing irradiances
to those from the HEUVAC model (Richards et al., 2006), which was developed
from AE-E measurements obtained during the rising phase of Solar Cycle 21 (1977-
1980). Figure 2.8 shows a comparison between four F10.7P-averaged spectra and the
equivalent HEUVAC spectra at four levels of solar activity. In all cases, the shape
of the HUEVAC spectrum is grossly consistent with the SEE spectrum. However,
during low solar activity (F10.7P=65; Panel A) the SXR (0.1-10 nm) irradiance
from HEUVAC is 65% larger than that of SEE. At higher levels of solar activity
(F10.7P=95, 125, 155; Panels B, C, D), the SXR uxes between 10-15 nm become
more consistent with those of SEE as F10.7P increases, but the uxes at the shortest
wavelengths become smaller than those of SEE. These results are consistent with
those from Richards et al. (2006), who compared the SEE spectrum from 21 April
2002 during high solar activity (F10.7P=180) to the HEUVAC model and found good
agreement in the SXR wavelength range (Figs. 1 and 2 in (Richards et al., 2006)).
By extending this comparison to lower levels of solar activity, I have shown that this
agreement does not hold during solar minimum.
Between 10-70 nm, the HEUVAC emission lines have uxes that are  20%
larger than those in the SEE spectra. In addition, there are numerous HEUVAC
wavelength bins with no ux; they are a consequence of gaps in the F74113 reference
spectrum, which is the basis of the HUEVAC model (Richards et al., 2006). Between
70-95 nm, which includes the H Lyman continuum region, the HEUVAC uxes are
30% smaller than those of SEE at all levels of solar activity, which is consistent with
the comparison in Richards et al. (2006). I now explore how these spectral dierences
between HEUVAC and SEE translate into dierences in F P .
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Fig. 2.8: A comparison of the HEUVAC model (red) to our F10.7P-averaged spectra
(blue) at four dierent levels of solar activity. Panels A, B, C, and D show the spectra
from the F10.7P bin in which the central value was 65, 95, 125, and 155, respectively.
Figure 2.9 shows F P as a function of F10.7P from HEUVAC. Although there is
relatively good agreement between SEE and HEUVAC, there are some dierences; the
HEUVAC irradiances are generally smaller than the SEE irradiances, most noticeably
at solar minimum, and the dierence increases with threshold wavelength. These
results are consistent with the spectral dierences discussed above (Fig. 2.8), namely
that the HEUVAC irradiances are smaller than those of SEE between 70-95 nm. The
HEUVAC F P values are5% smaller for N2/H2, 10% smaller for CO2/O, and 15%
smaller for O2. These results extend those from Richards et al. (2006), who found that
HEUVAC uxes were smaller than those of SEE in the 80-90 nm region. Our results
indicate that, not only are the HEUVAC irradiances smaller between 80-90 nm, but
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Fig. 2.9: A comparison of F P from the HEUVAC model (red) and from our F10.7P-
averaged spectra (blue). The black lines show our power-law ts to the F10.7P-
averaged spectra.
they are also smaller between 91-103 nm, a spectral region that contributes to O2
ionization. However, these discrepancies are are within the 1 accuracies of SEE and
HEUVAC, which are 20-30% and 30-50%, respectively (Richards et al., 1994, 2006;
Woods and Eparvier , 2006).
2.5 Analysis of ionization frequency
The ionizing irradiance, F , is a metric for the total number of ionizing photons
impinging on a planet, which is useful for comparing ion and electron densities around
the peaks of ionospheres. Alternatively, the ionization frequency, J , is useful for
calculating the ion production rate in the topside ionosphere where the optical depth is
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much less than one. The product of J and the neutral density gives the ion production
rate (Schunk and Nagy , 2009). In this section I use our F10.7P-averaged spectra to
calculate the ionization frequency for the species listed in Table 2.4.1.
The ionization frequency is similar to F , but is weighted at each wavelength by
the ionization cross-section. It is dened as
J =
threshX
=0:5nm
()P () (2.2)
where thresh is the threshold wavelength for ionization, () is the ionization cross-
section as a function of wavelength, and P() is the photon ux at each wavelength
from the F10.7P-averaged spectra. Note that this denition of J neglects secondary
ionization caused by electron impact ionization.
I adapted the ionization cross-sections for N2, CO2, O(1S), and O2 from the
Photo Ionization/Dissociation Rates (PHIDRATES) database (http:\phidrates.
space.swri.edu) by averaging them within the SEE wavelength bins. The resultant
cross-sections are consistent with those listed in Appendix J of Schunk and Nagy
(2009). However, I found that the PHIDRATES cross-sections for H2 at wavelengths
less than 30 nm were about two orders of magnitude smaller than those in Schunk
and Nagy (2009). To ameliorate this I adopted the H2 ionization cross-sections from
Moore et al. (2004) and interpolated them onto the SEE 1 nm wavelength grid. The
resultant cross-sections for each species are provided as supplementary material in
(Girazian and Withers , 2015).
I repeated our procedure from Section 2.4.1 using Equation 2.2 to calculate J
for each species and then Equation 2.1 to determine the relationship between J and
F10.7P. The results are shown in Figure 2.10 and the best-t parameters are listed
in Table 2.4. These results show that, for all species, the relationship between J and
F10.7P is nonlinear. The best-t exponents, BJ , are 0.7 for N2, CO2, O(1S), and
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Fig. 2.10: Same as Figure 2.6 but showing the relationship between the ionization
frequency, J , and F10.7P.
Table 2.4: Similar to Table 2.4.1 but for the ionization frequency (J) best-t param-
eters AJ and J . AJ is in units of s 1.
Species AJ (1E-8) J
H2 1:17 0:30 0:47 0:06
N2 2:08 0:63 0:71 0:07
CO2 3:00 0:90 0:74 0:07
O 1:62 0:48 0:69 0:06
O2 2:64 0:77 0:69 0:06
O2. The best-t exponent for H2, 0.47, is much smaller and can be attributed to the
rapid decrease of the H2 ionization cross-section at wavelengths less than 30 nm, the
spectral region that uctuates the most over the solar cycle (Fig. 2.4).
The magnitudes of our derived ionization frequencies are consistent with those
listed in Table 9.2 of Schunk and Nagy (2009). That table lists J for several species
calculated using the EUVAC model (Richards et al., 1994) at low and high solar
activity. Our results extend that table to include the solar activity levels between
these two extremes and the best-t parameters listed in Table 2.4 can be used with
Equation 2.1 to derive J for any F10.7P. Additionally, the results presented in Schunk
and Nagy (2009) were derived from spectra with fewer wavelengths bins (37 in total)
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than used here. Our results are potentially more accurate since they include more
wavelength bins, especially at the shortest wavelengths that encompass SXRs.
2.6 Ionospheric implications of results
In this section I discuss two implications of our results for the ionizing irradi-
ance. In Section 2.6.1 I discuss the implications of the species-dependent power-law
relationships between F10.7P and F P , and in Section 2.6.2 I discuss the implications
of the hardening of the solar spectrum.
2.6.1 Atmospheric composition and F P
The best-t parameters listed in Table 2.4.1 reveal two important aspects about
F P . First, the magnitude of F P is dierent for each species owing to their dierent
threshold wavelengths for ionization. I investigate this further with Figure 2.6.1A,
which shows F P as a function of F10.7P for each species. This gure shows that F P
for each species has a dierent magnitude at each F10.7P and a dierent dependence
on F10.7P. For instance, when F10.7P=150, F P is about 0:6  1015, 0:7  1015, and
1:0 1015 m 2 s 1 for N2/H2, CO2/O, and O2 respectively. These numbers quantify
the signicance of atmospheric composition in determining the ionizing irradiance,
and ultimately, the ion and electron densities in planetary ionospheres. In addition,
although F10.7P is commonly used as a measure of solar activity, caution is urged
when it is used interchangeably from planet to planet as a direct measure of the
ionizing irradiance.
Second, the best-t exponents (P ) in Table 2.4.1 indicate that the variation of
F P with F10.7P is species-dependent, and F P varies less than F10.7P over the solar
cycle. This is highlighted in Figure 2.6.1B, which shows F P relative to solar mini-
mum (F10.7P=50) as a function of F10.7P. From solar minimum to solar maximum
(F10.7P=200) F P increases by a factor of 3.4, 3.1, and 3.0 for N2/H2, CO2/O, and O2
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Fig. 2.11: A) F P as a function of F10.7P for N2/H2 (blue), CO2 (green), O (pur-
ple), and O2 (red). B) The irradiances in Panel A relative to their solar minimum
(F10.7P=50) values.
respectively. Hence, the smaller the threshold wavelength, the more F P changes over
the solar cycle. These results predict that, throughout a solar cycle, ionospheric den-
sities in planets with N2 or H2 atmospheres will vary slightly more then ionospheric
densities in planets with CO2, O, or O2 atmospheres.
2.6.2 Implications for the lower layers at Venus, Earth, and Mars
The ionospheres of Venus, Earth, and Mars have several layers, including lower
layers that lie below the main ionospheric peak. The lower layers at Venus, Earth, and
Mars are called the V1 layer, the E-layer, and the M1 layer, respectively (Patzold et al.,
2007; Withers , 2009; Schunk and Nagy , 2009). The existence of these lower layers is
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primarily due to the smaller ionization cross-sections of O2, N2, and CO2 at shorter
wavelengths, which causes SXR photons to penetrate deeper into the atmosphere than
EUV photons. In particular, the lower layers are produced primarily by photons with
wavelengths less than 15 nm (Titheridge, 1996, 1997; Martinis et al., 2003; Fox and
Yeager , 2006; Fox , 2007; Fox and Weber , 2012). However, due to the presence of O2
at Earth, which has a low ionization potential, the E-layer is also produced by the H
Lyman- line at 102.6 nm (Solomon, 2006).
Ionizing photons with wavelengths longer than 15 nm are deposited at higher
altitudes and form the layers above (V2, F, and M2 layers). Thus, as discussed in
Section 2.3.1, the 0.5-15 nm and the 15-90 nm wavelength bands are the natural
groupings for the two ionospheric layers in the CO2 atmospheres of Venus and Mars.
By contrast, Earth's atmosphere is rich in O2, and so the natural wavelength bands
are dierent. For Earth the natural groupings are 0.5-15 nm plus the 103 nm bin for
the E-layer and 15-103 nm for the F-layer.
To investigate how F P in these wavelength groupings varies with F10.7P, I calcu-
lated the ratio between F P appropriate for the lower layers (0.5-15 nm and 0.5-15/103
nm) to F P appropriate for the upper layers (15-90 nm and 15-103 nm), which are
shown as a function of F10.7P for Venus and Mars in Figure 2.12A, and for Earth in
Figure 2.12B.
For Venus and Mars Figure 2.12A shows a clear monotonic hardening of the solar
spectrum as solar activity increases; from solar minimum to solar moderate the ratio
increases by a factor of 1.8. Thus, as the spectrum hardens over the solar cycle, the
photoionization rates in the lower layers at Venus and Mars should increase relative
to the upper layers. Since the ionospheres of Venus and Mars are photochemically
controlled, these results predict that over the solar cycle ionospheric densities in the
lower layers change more than densities in the upper layers. Indeed, this has been
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Fig. 2.12: The ratio between the SXR and EUV irradiance as a function of F10.7P
in wavelength groupings appropriate for comparing the irradiance that is deposited
in the lower ionospheric layers at Venus, Earth, and Mars to the irradiance deposited
in layers above. A) The ratios of F P from 0.5-15 nm to F P from 15-90 nm (Venus
and Mars). B) The ratios of F P from 0.5-15 nm plus 103 nm to F P from 15-103 nm
(Earth).
observed { and attributed to the hardening of the spectrum { at both Venus (Girazian
et al., 2015) and Mars (Fox and Yeager , 2009). These ratios can be used to predict
the solar cycle changes in layer densities, and the predictions can be tested against
observations.
For Earth Figure 2.12B also shows a clear hardening of the solar spectrum for
the E-layer wavelength bands when F10.7P is greater than about 80; from solar
minimum to solar moderate, the ratio increases by a factor of 1.2. However, during
the prolonged solar minimum, when F10.7P was less than 85, the ratio was relatively
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constant between 0.08-0.09. These results predict that the ratio of the E-layer to
F-layer density typically increases with solar activity, but stayed relatively constant
during the prolonged solar minimum.
2.7 Conclusions
I have used more than 2800 SEE observations from 2003-2010 to develop an
empirical model of the solar UV spectrum as a function of F10.7P. The average uxes
and their standard deviations as a function of wavelength and F10.7P are included
as supplementary material in (Girazian and Withers , 2015).
I used the F10.7P-averaged spectra to derive power-law relationships between
F10.7P and the ionizing irradiance in energy ux (FE) and photon ux units (F P )
for N2, H2, CO2, O, and O2. I conrmed that F10.7P is superior to F10.7 as an EUV
proxy and showed that F10.7P is least accurate at predicting uxes at wavelengths
less than 50 nm where the intrinsic solar variability is the largest. In addition, I also
derived power-law relationships between F10.7P and the ionization frequency (J) for
the same species. The ionization cross-sections used in these calculations are also
provided as supplementary material in (Girazian and Withers , 2015). These power-
law relationships can be used to convert an F10.7P value into an ionizing irradiance
or ionization frequency, which is useful when no full spectral EUV measurements are
available.
I compared the HEUVAC model to our F10.7P-averaged spectra and found that
the HEUVAC SXR irradiance (0.1-10 nm) is 65% smaller at solar minimum and
the HEUVAC H Lyman continuum uxes are 30% smaller than those of SEE at all
levels of solar activity. In addition, the ionizing irradiances from the HEUVAC are
smaller than those from the SEE F10.7P-averaged spectra.
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The magnitude and solar cycle variation of F P is dependent on the threshold
wavelength for ionization of the neutral species, indicating that atmospheric composi-
tion, to some extent, controls ionospheric densities and their variations throughout the
solar cycle. Additionally, I have quantied how the ratio of the SXR irradiance to the
EUV irradiance in wavelength bands appropriate for the two layers at Venus and Mars
increases with F10.7P, which can be compared to ionospheric observations. However,
at Earth, the Lyman- line also contributes to E-layer ionization. Consequently, the
appropriate ratio of the SXR to EUV irradiance stayed relatively constant during
the recent prolonged solar minimum, implying that the ratio of E-layer to F-layer
densities also stayed relatively constant during that time.
The degree to which the saturation eect in Earth's ionosphere is due to physical
processes as opposed to the shortcomings of F10.7 is still unknown, and it is an
ongoing topic of research (Liu et al., 2006, 2009; Liu and Chen, 2009; Park et al., 2008;
Liu et al., 2009; Adeniyi and Ikubanni , 2013; Ikubanni and Adeniyi , 2013; Bhuyan
and Bora, 2014). Many of these studies have used the SOHO 0.1-50 nm or 26-34
nm irradiances as a measure of F P . However, if I derive power-law relationships for
F P in these two SOHO wavelength bands the resultant exponents are 1:06  0:08
and 0:88 0:08 for 0.1-50 nm and 26-34 nm, respectively. Since these exponents are
larger than those listed in Table 2.1 for the O and O2 F
P , it implies that the SOHO
wavelength bands overestimate F P at high values of F10.7P. Hence, the saturation
eect appears even if the ionospheric response to changes in F are stable. Thus,
our relationships between F10.7P and F P can be used in future ionospheric studies
to help elucidate the degree in which physical processes { rather than the nonlinear
relationship between F10.7P and the ionizing irradiance { are responsible for the
saturation eect.
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Chapter 3
The dependence of peak electron density
on solar irradiance
3.1 Introduction
The photochemical equilibrium (PCE) regions of the Venus and Mars iono-
spheres are strongly inuenced by the solar irradiance that maintains their dayside
plasma. These regions are also a source of escaping volatiles (Chapter 1). Hence,
determining how the ionospheres of Venus and Mars respond to changes in solar ir-
radiance is essential for understanding the processes that control their present-day
climates and the long-term evolution of their atmospheres.
A good diagnostic of the amount of plasma in the ionosphere is the peak electron
density. At Venus and Mars the peak electron density occurs in their main ionospheric
layers, namely, the V2 layer at Venus and the M2 layer at Mars. Plasma in these layers
is produced primarily by extreme ultraviolet (EUV) solar photons with wavelengths
less than 90 nm (McElroy , 1969; Martinis et al., 2003; Withers , 2009; Schunk and
Nagy , 2009). The goal of this chapter is to determine how the peak electron densities
at Venus and Mars are inuenced by the EUV irradiance.
Previous studies have tested how the peak electron density depends on the solar
irradiance using the equation
Nm / (F )k (3.1)
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where Nm is the peak electron density, typically corrected to the subsolar point, F is
the solar irradiance, and k is a tted exponent. As a proxy for F , these studies have
typically used the F10:7 solar index, a measure of the solar radio ux at 10.7 cm, or
the E10:7 index, a measure of the integrated solar EUV energy ux from 1 - 105 nm
(Tobiska et al., 2000; Tobiska, 2001).
For Venus, one exponent has been reported; Kliore and Mullen (1989) used
Pioneer Venus Orbiter (PVO) radio occultation data to derive an exponent of 0:376
0:011. For Mars, many exponents have been reported. Hantsch and Bauer (1990)
used various ionospheric data sets from 1965 to 1980 to derive an exponent of 0.36.
Breus et al. (2004), Withers and Mendillo (2005), Zou et al. (2006), and Fox and
Yeager (2009) used Mars Global Surveyor (MGS) radio occultation data to derive
exponents of 0:370:06, 0:2430:031, 0:44, and 0:2630:0075, respectively. Morgan
et al. (2008) and Nemec et al. (2011) used MARSIS data to derive exponents of
0:30  0:04 and 0:388  0:003, respectively. These exponents vary greatly but have
a mean value of k ' 0:35, which, as discussed in Section 3.2, is smaller than the
expected value of k = 0:50.
The peak electron density is a well-dened quantity that can be obtained directly
from electron density proles. Reducing the ionizing irradiance to single number,
however, is a nontrivial operation that is further confounded by the lack of solar
irradiance measurements at Venus or Mars. In this chapter I use a proxy other than
F10:7 and E10:7 to determine how the peak electron density depends on the ionizing
irradiance. The proxies for F are calculated by integrating daily-averaged EUV solar
spectra in the wavelength range that ionizes CO2, which is the dominant neutral
species in the thermospheres of Venus and Mars. The derived exponents are compared
to previous studies that have used F10:7 or E10:7 and put into physical context.
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In Section 3.2 I explain why we expect Nm / (F )k where k = 0:50. In Section 3.3
I describe the procedure used to derive best-t exponents, k, for Venus and Mars. In
Sections 3.4 and 3.5 I present the results and discuss their implications.
3.2 Theory
In this section I explain why we expect Nm / (F )0:50. For an ionosphere pro-
duced by photoionization, the plasma production rate as a function of altitude, P (z),
is given by
P (z) =
X
s
ns(z)
Z thresh
0
is()F0() exp[ (z; )]d (3.2)
where ns(z) is the neutral number density of species s, thresh is the threshold wave-
length for ionization of species s, is() is the ionization cross-section as a function of
wavelength, F0() is the EUV photon ux impinging on the top of the atmosphere,
and (z; ) is the optical thickness. The summation is over all neutral species and
the integral is over all wavelengths below thresh. This equation neglects secondary
ionization from energetic photoelectrons that ionize neutral molecules as they ther-
malize.
Given our knowledge of the thermospheres and ionospheres of Venus and Mars,
Eq. 3.2 can be simplied with some assumptions and approximations. First, the Venus
and Mars thermospheres are primarily CO2, which collapses the summation down to
one species and makes thresh = 90 nm, which is the CO2 threshold wavelength for
ionization (Schunk and Nagy , 2009). Second, the ionization cross-section of CO2 is
relatively uniform at wavelengths between 20-90 nm, which is the region of the solar
EUV spectrum that contains 80% of the ionizing photons emitted between 0.5-90
nm (Chapter 2). The CO2 ionization cross-section for wavelengths between 20-90
nm ranges from 1   4  10 21 m2 with a mean of 2:1  10 21 m2 and a standard
deviation of  25%. This approximation makes is() eectively constant, and it can
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be taken out of the integral. Third, peak electron densities occur at the peak altitude
where the optical thickness is approximately equal to one (Schunk and Nagy , 2009).
Combining these approximations, Eq. 3.2 can now be written as
P (zmax)  ns(zmax)
i
s
e
Z thresh
0
F0()d (3.3)
where zmax is the altitude of the peak electron density.
This equation can be simplied further. Using the above assumptions, the optical
thickness at zmax is given by
(zmax)  ns(zmax)asHCh(X; SZA)  1 (3.4)
where as is the absorption cross-section, which is approximately equal to the ion-
ization cross-section (Schunk and Nagy , 2009), H is the neutral scale height, and
Ch(X; SZA) is the Chapman function (Chapman, 1931b), which reduces to sec(SZA)
for small solar zenith angles (Smith III and Smith, 1972; Withers , 2009). Here SZA
is the solar zenith angle and X = z+R
H
where z is the altitude above the surface and
R is the planetary radius. Hence, ns(zmax)
i
s  [HCh(X; SZA)] 1 and Eq. 3.3 can be
simplied to
P (zmax)  1
eHCh
Z thresh
0
F0()d (3.5)
As in Chapter 2, I dene the ionizing photon irradiance, F P , as
F P 
Z thresh
0:5
F0()d (3.6)
where  is in nm. Thus,
P (zmax)  F
P
eHCh
: (3.7)
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This equation relates the peak production rate to F P but we are interested in the
relationship between the peak electron density, Nm, and F
P . Therefore, we must now
consider the plasma loss processes in the ionospheres of Venus and Mars. Since the
photoproduced CO+2 ions are quickly transformed into O
+
2 , the dominant ion species
at the peak of both ionospheres is the molecular ion O+2 and the dominant ion loss
process is the dissociative recombination (DR) of O+2 with an electron (O
+
2 + e
  !
O + O) (Fox and Sung , 2001; Fox , 2009; Schunk and Nagy , 2009; Withers , 2009).
Hence, the ion loss rate at the peak is given by N2m where  is the DR coecient,
which is a function of the electron temperature.
The peak electron densities are at altitudes where the ionosphere is in PCE so
that the ion production rate is equal to the ion loss rate. Equating the ion production
and loss rates results in
Nm =

1
eHCh
0:5
(F P )0:50: (3.8)
Hence, given these assumptions, we expect Nm / (F P )k where k  0:50. Yet,
at both planets previous studies have shown that k  0:35 (Sec. 6.1). There are
several possibilities for the observed small exponents; if  or H vary with F P then
the observed exponent k will dier from 0.50. Alternatively, if F10:7 and E10:7 {
which were used in previous studies as a proxy for the ionizing irradiance { are
not directly proportional to F P , then the observed exponent k will dier from 0.50.
Given the results from Chapter 2, namely that the relationship between F10:7 and
F P is nonlinear, the latter explanation is somewhat favored. In the next section, we
derive exponents for both Venus and Mars using F10:7, E10:7, and three proxies of the
ionizing irradiance based on solar EUV measurements.
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3.3 Procedure
In this section I describe the procedure used to test if Nm / (F )0:50 at Venus and
Mars. The procedure is nearly identical for both Venus and Mars. First I describe
the procedure for Mars in detail and then I briey discuss the slight dierences in the
procedure for Venus.
3.3.1 Mars
I began by retrieving the 5600 MGS electron density proles from the NASA
Planetary Data System (PDS). Figure 3.1 shows an example of a typical MGS prole
with a peak electron density of  8 1010 m 3 and at an altitude around 135 km. I
discarded all near-terminator proles with SZAs greater than 80 to eliminate near-
terminator proles where the ionosphere is changing most rapidly (Withers , 2009).
Next I extracted peak electron densities directly from the MGS proles and
eliminated the eects of varying SZA by converting the peak densities to subsolar
(SZA = 0) peak densities, N0, using N0 = Nm
p
Ch(X; SZA), with R = 3400 km
and H = 10 km. Although H is unknown, Ch(X;) is relatively insensitive to its
precise value and H is usually within 50% of 10 km (Withers , 2006). This dependence
of peak density on SZA at Mars can be seen in Figure 4 of Morgan et al. (2008), who
used more than 10,000 MARSIS data points with SZAs ranging from 5  85. After
determining the subsolar peak densities, I began to determine solar irradiance proxies
for each prole based on measurements of the solar EUV spectrum.
The TIMED-SEE instrument (Woods and Eparvier , 2006) has obtained EUV
solar spectra from Earth orbit since 22 January 2002. The instrument ob-
tains 14-15 spectra measurements per day which are then averaged. These
daily-averaged spectra, or \Level 3 solar irradiance data", are available at
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Fig. 3.1: MGS prole 0361P19A from 26 December 2000 with SZA= 79.9. The data
points are shown by black crosses. The peak electron density from each MGS prole
was obtained directly from the respective electron density prole.
http://lasp.colorado.edu/see/l3 data page.html and are the spectra used throughout
this chapter.
There are several possible measures of solar ux: the energy ux, the corre-
sponding photon ux, and also a ux that describes the total number of ionization
events. Due to secondary ionization processes, the number of ionization events per
absorbed photon increases with increasing photon energy. I represent this using a
\total number of ionizations" ux. This spectrum was calculated assuming that, af-
ter initial photoionization, the remaining energy contributes to secondary ionization,
and that each secondary ionization requires 35 eV of energy (Sheel et al., 2012; Lollo
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Fig. 3.2: Example TIMED daily-averaged energy ux spectrum (top) with its corre-
sponding photon ux spectrum (middle) and \total number of ionizations" spectrum
(bottom) from 1 June 2003. The spectra have been shifted to Mars. The dashed line
shows the longest wavelength photon (90.04 nm) that can ionize CO2.
et al., 2012). Figure 6.2.3 shows an example TIMED-SEE energy ux spectrum with
its corresponding photon ux spectrum and \total number of ionizations" spectrum.
To apply these Earth-based solar spectra measurements to Mars, the spectra
were corrected for the varying Mars-Earth distance by multiplying the uxes in each
spectrum by
 
1AU
d
2
where d is the Mars-Sun distance. The spectra were also corrected
for the non-uniformity of solar EUV irradiance across the solar disc by shifting the
observation date of each MGS prole by an amount equal to (27 days)  (Mars-Sun-
Earth angle/360), where 27 days is solar rotation period. If the resultant date-shift
was less than seven days, then a single spectrum from the shifted date was obtained.
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If the resultant date-shift was seven or more days, then two spectra were obtained {
one from before and one from after the observation, such that the Mars-facing side of
the Sun during the MGS measurement was the same as the Earth-facing side of the
Sun during both TIMED-SEE measurements. This correction is imperfect due to the
neglect of temporal variations in solar ux. The PLOT SEE.PRO procedure, available
at the TIMED-SEE website, performs these date-shifts and distance corrections. If
there was no TIMED-SEE spectrum available for an MGS electron density prole,
then I discarded the prole.
The 2903 remaining MGS electron density proles were obtained between 30
November 2002 and 29 April 2005. Their SZAs range from 70.96 to 80.00 and their
derived subsolar peak electron densities range from 1.26 x 1011 m 3 to 2.44 x 1011
m 3, in agreement with Fox and Yeager (2009) and the numerous groups cited in
Withers (2009).
To calculate proxies for the ionizing irradiance, F , I integrated the date-shifted
EUV spectra corresponding to each MGS density prole from 0.5-90 nm (Eq. 3.6).
Similar to Chapter 2, I dene FE as the integrated energy ux from 0.5-90 nm, F P
as the corresponding integrated photon ux, and F I as the corresponding integrated
\total number of ionizations" ux. F I is usually about 2.5 times F P but varies
from spectrum to spectrum. I use these as representations of the ionizing ux, F, in
Equation 3.1.
Next, I divided the subsolar peak densities into 9 bins that have equal log-ux
width, then used the mean densities of each bin to derive the best-t value of the
exponent k using all three representations of F . To directly compare the results to
previous studies, I also performed the ts using F10:7 and E10:7 which were taken from
the Solar Irradiance Platform (Tobiska and Bouwer , 2006). The standard deviation
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of each bin provided 1 uncertainties for the t. The data were binned to compensate
for the non-uniform distribution of data points.
3.3.2 Venus
The procedure for Venus is nearly identical to that for Mars as explained in the
previous section. For Venus I use electron density proles from the Venus Express
(VEX) Radio Science Experiment (VeRa) (Hausler et al., 2006; Patzold et al., 2007).
The VeRa data set is identical to that to be used in Chapter 5 and the data selection
process is described in detail in that chapter. This VeRa data set contains far fewer
electron density proles than the MGS data set so I extended the SZA cuto from
80 to 85. After application of the procedure described in Sec. 3.3.1, I was left with
210 VeRa electron density proles obtained between 14 July 2006 and 16 January
2014. The subsolar peak densities were also divided into 9 bins with equal log-ux
width before tting them to Equation 3.1.
As explained in Chapter 2, the TIMED-SEE spectra obtained after 2010 have
not yet been fully calibrated for instrument degradation. However, in order to have a
sucient number of data points, I will use them here. Although this introduces some
uncertainty in the analysis, the degradation is most prominent at wavelengths that
are not included in the analysis (> 90 nm).
3.4 Results and Discussion
3.4.1 Results
The resultant ts to Eq. 3.1 are shown in Figure 3.3 for Mars and Figure 3.4
for Venus and the best-t exponents from the ts to F10:7, E10:7, F
E, F P , and F I
are summarized in Table 3.1. The F10:7 exponents for Venus and Mars (0:39  0:04
and 0:32  0:04, respectively) are smaller than the expected exponent of k = 0:50
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Fig. 3.3: Log-log plots showing the dependence of the peak electron density in the
ionosphere of Mars on solar irradiance. The gray crosses are the peak subsolar electron
densities, the black diamonds are the bin-averaged densities with their 1 uncertain-
ties, and the black line is the t of the bin-averaged data to Eq. 3.1. Panels A, B,
and C show the ts to the ionizing irradiance derived using energy ux (FE), photon
ux (F P ), and the total number of ionizations ux (F I), respectively.
62
3.0 5.0 7.0 9.0 11.0 13.0
FE (10-3 W m-2)
3.0
5.0
7.0
9.0
N
0 
(10
11
 
m
-
3 ) A
6.0 8.0 10.0 12.0 14.0 16.0
FP (1014 m-2 s-1)
3.0
5.0
7.0
9.0
N
0 
(10
11
 
m
-
3 ) B
2.0 3.0 4.0
FI (1015 m-2 s-1)
3.0
5.0
7.0
9.0
N
0 
(10
11
 
m
-
3 )
C
Fig. 3.4: Same as Figure 3.3 but showing the ts to the Venus data.
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Table 3.1: The best-t exponents, k, from Eq 3.1 for Venus and Mars. FE, F P , and
F I are our solar irradiance proxies derived from energy ux, photon ux, and the
total number of ionizations ux, respectively.
Flux proxy k (Venus) k (Mars)
F10:7 0:39 0:04 0:32 0:04
E10:7 0:45 0:04 0:42 0:05
FE 0:40 0:04 0:48 0:03
F P 0:54 0:05 0:54 0:04
F I 0:47 0:05 0:52 0:08
(Sec 3.2) and are consistent with results of previous studies (Sec 6.1). The E10:7
exponents (0:45  0:04, 0:42  0:05) are larger; the Venus exponent is close to the
expected k = 0:50 but the Mars exponent is not. The FE exponents (0:40  0:04,
0:48  0:03) are also larger than those for F10:7; the Mars exponent is close to the
expected k = 0:50 but the Venus exponent is not. The F P exponents (0:54  0:05,
0:54  0:04) and F I exponents (0:47  0:05, 0:52  0:08) are consistent with the
expected k = 0:50 at both planets. In summary, the exponents derived using F10:7,
E10:7, and F
E are not consistent with the expected k = 0:50 at both planets, but
exponents derived using F P and F I are.
3.4.2 Discussion of dierent proxies
There are dierences in the ve solar irradiance proxies (Table 3.1) and some
should be favored over others. The most fundamental dierence is that F10:7, E10:7,
and FE are based on measurements of the solar energy ux whereas F P and F I are
based on measurements of the solar photon ux. Since the photon ux is the natural
unit of measurement for studies of photoionization, and is the correct representation
of F0() used in Eq. 3.2, F
P and F I should be favored.
F10:7 is a measure of the solar energy ux at 10.7 cm, which is not a wavelength
that encompasses the EUV portion of the solar spectrum. Hence, it is not surprising
that F10:7 is a poor representation of the ionizing solar irradiance, and the results
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of Chapter 2 show that F10:7 / (F P )0:83, which explains why the best-t exponents
when using F10:7 are smaller than k = 0:50. The proxies E10:7 and F
E are similar, but
like F10:7, are based on EUV energy ux measurements. In addition, E10:7 includes
wavelengths greater than 90 nm that do not ionize CO2, which is the dominant neutral
species in the thermospheres of Venus and Mars. Thus, the exponents derived when
using these proxies are not expected to be consistent with k = 0:50.
By contrast, F P and F I are based on EUV photon ux measurements and, given
the assumptions in Sec. 3.2, are good approximations of the CO2 ionizing irradiance
at Venus and Mars. The exponents derived using these proxies are consistent with
the expected k = 0:50.
3.4.3 Possible weaknesses of proxies
The theory introduced in Section 3.2 relies on several well-founded assumptions,
but all of them are violated to some extent at Venus and Mars (Chapter 4) and so
reducing the ionizing irradiance to a single number is a challenge. Consequently,
the three proxies (FE, F P , and F I) are imperfect representations of the ionizing
irradiance. First, they only include wavelengths that ionize CO2 and neglect other
thermospheric species that are abundant at high altitudes. The most important ne-
glected species is O, which, more so at Venus, but also at Mars, is the dominant
species at high altitudes above the ionospheric peak. However, the O threshold wave-
length for ionization (91 nm) is very close to that of CO2 (90 nm) and so this weakness
is negligible. Second, even if the proxies provided an accurate description of the ion-
izing irradiance, they would not be directly proportional to the production rate of
CO+2 . This is because some of the incident ux is absorbed in other processes such
as ionization and dissociation of species other than CO2. Third, secondary ionization
from energetic photoelectrons has been neglected in FE and F P and has only been
approximated in F I .
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A fourth challenge in reducing the ionizing ux to a single number is the depen-
dence of the absorption and ionization cross-sections of CO2 on wavelength. These
wavelength-dependent cross sections result in wavelength-dependent photon penetra-
tion depths and, as a result, the altitude of the maximum photoionization rate for a
given wavelength is not necessarily the altitude of the peak electron density. Never-
theless, as shown in Figure 2 of Martinis et al. (2003) and Figure 2 of Fox and Yeager
(2006), maximum photoionization rates for photons with 15    90 nm occur at
essentially the same altitude near the M2 peak at Mars. Photons with  < 15 nm,
however, penetrate deeper into the atmosphere and their maximum photoionization
rates occur at altitudes below the M2 peak. A similar situation at Venus is also ex-
pected and can be seen in Figure 1 of Fox (2007). This complicates matters because
the proxies are integrated over all wavelengths and incorrectly assume that the ux
from each wavelength bin contributes equally to photoionization at the peak.
3.5 Conclusions
The power-law exponent relating changes in subsolar peak electron density to
changes in observed solar irradiance is approximately 0.50 at both Venus and Mars.
This is true when proxies of the CO2 ionizing irradiance are based on photon ux
spectra but not when they are based on energy ux spectra.
For irradiance proxies based on energy ux (FE), photon ux (F P ), and the \to-
tal number of ionizations" ux (F I), the best-t exponents for Venus are 0:40 0:04,
0:54 0:05, and 0:47 0:05 respectively. For Mars, the corresponding exponents are
0:480:03, 0:540:04, and 0:520:08. There are valid arguments for preferring any
one of these three potential irradiance proxies, but F P and F I are favored over FE
because they are based on photon ux rather than energy ux. All three proxies are
imperfect representations of the irradiance that controls peak electron density: F P ne-
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glects the important process of secondary ionization and all three neglect wavelength
variations in photon penetration depth.
The exponents derived using these representations of the ionizing irradiance are
larger than the mean exponent of k ' 0:35 reported by previous studies that used F10:7
rather than observations of the EUV solar spectrum (Section 6.1). The exponents
derived from the preferred proxies F P and F I are also close to the expected k = 0:50
given the known properties of the Venus and Mars thermospheres and ionospheres
(Sec. 3.2).
The most important assumptions that lead to the predicted k = 0:50 are that the
thermosphere and ionosphere are dominated by a single neutral and ion species, the
ionization and absorption cross-sections are relatively uniform at EUV wavelengths,
the ionosphere is in photochemical equilibrium, and the dominant ion loss process is
dissociative recombination. The dissociative recombination rate is proportional to the
square of the electron density, and since the ion loss rate is equal to the ion production
rate, this dependence ultimately leads to the predicted k = 0:50 (Sec 3.2). Hence,
the results are consistent with the above assumptions, particularly that dissociative
recombination is the dominant ion loss process at the peaks of the Venus and Mars
ionospheres.
The results presented here provide evidence that the representations of the ioniz-
ing irradiance used in this chapter lead to more accurate predictions of the power-law
exponent relating changes in peak electron density to changes in solar irradiance. Al-
though F10:7 has historically been used as a proxy for the solar irradiance due to the
lack of EUV observations, scientists have long recognized that it is not directly pro-
portional to the ionizing irradiance (Chapter 2). Additionally, the method used here
to calculate the ionizing irradiance can be tailored to the compositions of dierent
planetary atmospheres (Chapter 2).
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Chapter 4
The Mars ionosphere: How
Chapman-esque?
4.1 Introduction
Scientists who primarily work with thousands of Mars ionospheric measurements
nd Chapman theory (Chapman, 1931a,b; Chamberlain and Hunten, 1987) a useful
tool for organizing and interpreting large datasets, but scientists who primarily work
with numerical models nd Chapman theory incredibly oversimplied. Since this
divergence in viewpoints can have negative consequences for the advancement of Mars
ionospheric science, there is motivation to investigate the extent to which Chapman
theory can be applied to the ionosphere of Mars. The goal of this chapter is to answer
the following question: is Chapman theory a useful tool for studying the ionosphere of
Mars? This question has been partially, but incompletely addressed in a large number
of prior publications. In this chapter I perform a more comprehensive investigation
by addressing how well-satised the assumptions of Chapman theory are at Mars and
by testing eight predictions of Chapman theory at Mars.
In Section 4.2 I outline a derivation of Chapman theory. In Section 4.3 I address
how well the assumptions of Chapman theory are satised at Mars. In Section 4.4
I test eight predictions from Chapman theory at Mars. In Section 4.5 I discuss the
conclusions.
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4.2 Chapman theory
Consider a neutral atmosphere with a single neutral species in which the tem-
perature, T , and the acceleration due to gravity, g, are constant. According to the
equation of hydrostatic equilibrium, the dependence of number density on altitude,
n(z), satises:
n(z) = nr exp

 z   zr
H

(4.1)
where nr is the number density at a reference altitude zr, and the neutral scale height
H = kT=mng, where k is Boltzmann's constant, and mn is the molecular mass of the
neutral species.
This neutral atmosphere is illuminated by monochromatic ionizing radiation that
has a top-of-the-atmosphere ux of F0 photons per unit area per unit time. The pho-
tons are absorbed, but not scattered, as they penetrate the atmosphere. For vertical
incidence the ux as a function of altitude, F (z), is given by F (z) = F0 exp[ (z)]
where (z) =
R z0=1
z0=z n (z
0) dz0 is the optical thickness and  is the absorption cross-
section. Since the atmospheric density varies exponentially with altitude,  (z) =
n (z)H. Hence, for vertical incidence, F (z) = F0 exp [ n (z)H]. For non-vertical
incidence into a plane-parallel atmosphere, F (z) = F0 exp [ n (z)H sec(SZA)],
where sec(SZA) is the secant of the solar zenith angle. This result can be extended
from a plane-parallel atmosphere to a spherically symmetric atmosphere by replacing
sec(SZA) with a more complicated geometric factor, Ch(SZA; X), where X = z+R
H
and R is the planetary radius (Chapman, 1931b).
The neutral molecules are ionized by the monochromatic radiation, producing
one species of ion. If the ionization and absorption cross-sections are identical, then
the ion production rate is given by F (z)n(z). If all ions are lost by dissociative
recombination, then the ion loss rate is given by N2, where  is the dissociative
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recombination coecient, which is assumed to be xed, and N is the ion density,
which equals the electron density. In photochemical equilibrium, transport processes
can be neglected, and the ion production and loss rates are equal. Hence,
N2 = F (z)n(z) (4.2)
and after substituting for F (z) and n(z) from above:
N(z) =

F0nr

1=2
exp

 1
2

z   zr
H
+ nrHCh(SZA; X) exp

 z   zr
H

(4.3)
Equivalently, this be can expressed as:
N(z) = Nm exp

1
2

1  (z   zm)
H
  exp

 (z   zm)
H

(4.4)
where
Nm = N0[Ch(SZA; X)]
 0:5 (4.5)
N20 =
F0
eH
(4.6)
zm = z0 +H ln[Ch(SZA; X)] (4.7)
n (zm)HCh(SZA; X) = 1 (4.8)
Here, Nm is the peak electron density, N0 is the subsolar peak electron density, zm
is the altitude of the peak electron density, z0 is the altitude of the subsolar peak
electron density, and e = exp(1). The total electron content (TEC) can be found by
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integrating Equation 4.4 over all altitudes:
TEC = TEC0[Ch(SZA; X)]
 0:5 (4.9)
where TEC0, the subsolar TEC, satises (Withers , 2011)
TEC0 = N0He
0:5
p
2 ' 4:1N0H (4.10)
Equations 4.4-4.10 are the predictions of Chapman theory, which will be tested for
the Mars ionosphere in Section 4.4.
There is one major way in which the ionosphere of Mars clearly violates Chapman
theory: the photochemical region consists of two layers (M1 and M2) rather than one.
The existence of two layers is a consequence of the wavelength-dependent ionization
and absorption cross-sections. Since the cross-sections important for the M2 layer
(15-90 nm) vary less with wavelength than those that are important for the M1 layer
(<15 nm) (Withers , 2009), this investigation is restricted to the M2 layer.
4.3 Assumptions of Chapman theory
All of the assumptions of Chapman theory (Section 4.2) are violated to some
degree at Mars. Here I discuss the degree in which these assumptions are violated.
Since I am concentrating on these assumptions as they pertain to the M2 layer, the
validity of these assumptions are most important at altitudes around the M2 layer
and a few scale heights above (120-160 km). The following discussion is focused on
these altitudes.
The acceleration due to gravity is assumed to be constant. The gravitational
acceleration at Mars varies by only a few percent with altitude and geographic location
over the relevant altitudes. This assumption is well satised.
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The neutral atmosphere is assumed to contain a single neutral species. At al-
titudes around the M2 layer, 95% of neutral molecules are CO2 (Nier and McElroy ,
1977; Chen et al., 1978). This assumption is well-satised.
The neutral atmosphere is assumed to be isothermal with a xed neutral scale
height at all altitudes. Thermospheric temperatures at Mars are expected to increase
from 120 K at 110 km to an exospheric temperature of 240 K (e.g. Bougher et al.,
2006). In addition, the mean molecular mass decreases with altitude because the M2
layer lies above the homopause, the boundary above the atmosphere is no longer well
mixed and species diusively separate based on their unique molecular masses. In
particular, the O/CO2 ratio increases with altitude, and may become greater than
one around 200 km (Hanson et al., 1977). Thus, this assumption is not well-satised;
the neutral scale height increases with altitude which will reduce the accuracy of all
predictions.
The neutral atmosphere is assumed to be the same at all SZAs. At Mars, thermo-
spheric densities and temperatures vary with SZA by several tens of degrees (Bougher
et al., 2004; Withers , 2006). This assumption is strongly violated, and should reduce
the accuracy of all predictions except those concerning subsolar properties.
The neutral density at a reference altitude, such as 120 km, is assumed to be con-
stant. This assumption is strongly violated; the density at 120 km varies by at least
one order of magnitude (Withers , 2006). The violation of this assumption will aect
the accuracy of predicted SZA trends. Its violation will not aect the predicted subso-
lar properties, relationship between peak electron density and solar irradiance, or the
shape of the electron density prole. Similarly, the neutral atmosphere changes with
season and solar activity (Bougher et al., 2000), and these variations are neglected
by Chapman theory.
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The ionizing solar irradiance is assumed to be monochromatic so that the ab-
sorption and ionization cross-sections of the dominant neutral are constants with no
wavelength dependence.
This assumption is eectively satised between 15 nm and 90 nm, where the
wavelength-dependent cross-sections vary by less than a factor of two for most of
the wavelength range (Schunk and Nagy , 2009). In the TIMED-SEE solar spectrum
from 1 June 2003 studied by Girazian and Withers (2013), only 14% of the ionizing
photons had wavelengths shortward of 15 nm, and since photons shortward of 15 nm
are mostly deposited in the M1 layer rather than the M2 layer (Fox and Yeager , 2009),
this assumption is eectively satised for all wavelengths. Nevertheless, photons are
deposited over a wider range of altitudes than predicted by Chapman theory, which
widens the shape of the electron density prole.
Each absorption of an ionizing photon is assumed to produce one ion-electron
pair. This assumption is violated by more energetic photons, whose suprathermal
photoelectrons are able to ionize additional neutral molecules via impacts. If the
average number of ion-electron pairs produced by an absorbed ionizing photon is
constant, then the violation of this assumption aects the predicted subsolar peak
electron density and subsolar TEC, but not the other predictions. A representative
number of 1.3 ion-electron pairs per ionizing photon absorbed has been used as a
rule-of-thumb (Martinis et al., 2003).
However, the number of ion-electron pairs produced by an absorbed ionizing
photon is not constant. The number of ion-electron pairs produced depends on the
residual photon energy in excess of the 13.77 eV needed to ionize a CO2 molecule
(Simon Wedlund et al., 2011). Over the solar cycle, the soft X-ray portion of the
solar spectrum is more variable than the EUV portion. That is, as solar activity
increases, the number of soft X-ray photons increases relative to the number of EUV
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photons (Chapter 2). Hence, the relative contribution of secondary ionization to
photoionization increases with solar activity. Chapman theory does not account for
this which will produce solar activity variations in Nm, zm, TEC, and the shape of the
electron density prole. This will also make the peak electron density more dependent
on solar ux than predicted by Chapman theory and produce scatter in variations of
all properties with SZA. This assumption is more strongly violated in the M1 layer,
which is produced by soft X-rays shortward of 15 nm (Fox and Weber , 2012).
The traditional assumption of the sole ion being one electron removed from the
sole neutral is clearly violated at Mars. However, the required assumption is less
stringent than this, merely that the ionosphere be composed of a single species of
ion. At Mars, O+2 is the most abundant ion by an order of magnitude (Hanson et al.,
1977). This is because photoproduced CO+2 ions react with neutral atomic oxygen
to form O+2 , where conversion of CO
+
2 into O
+
2 occurs much more rapidly than any
other reaction pathway for CO+2 . Consequently, it is as if ionization of the dominant
neutral directly produces the dominant ion so this assumption is well satised.
The ion loss mechanism is assumed to be dissociative recombination. At the
ionospheric peak, according to the model of Fox (2009), the time constant for loss of
an O+2 ion by dissociative recombination is two orders of magnitude smaller than the
time constant for any other reaction that consumes O+2 . Hence, 99% of O
+
2 ions at
the ionospheric peak are lost by dissociative recombination so this assumption is well
satised.
The dissociative recombination coecient, which depends on the poorly-
constrained electron temperature, is assumed to be constant. Models that reproduce
the high altitude Viking electron temperature data have temperature changes of hun-
dreds of Kelvin and rate coecient changes of at least a factor of two from the subsolar
peak altitude of 120 km to the near-terminator peak altitude of 150 km (Hanson and
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Mantas , 1988; Fox and Yeager , 2006; Matta et al., 2014; Withers et al., 2014), which
would violate the assumption of a constant rate coecient. This situation would
render the predicted SZA dependencies invalid and also weaken the prediction of
the shape of the electron density prole. However, observed peak electron densities
vary with SZA in excellent agreement with the predicted trend, creating a paradox.
This paradox was investigated by Withers et al. (2014), who showed that increases in
electron temperature with altitude are accompanied by decreases in electron temper-
ature with SZA. The net result is that the electron temperature at the ionospheric
peak remains near-constant as its altitude changes with SZA. This has the fortu-
itous outcome that the dissociative recombination coecient is eectively constant
at the ionospheric peak, which is the location relevant for most of the predictions of
Chapman theory.
Finally, transport is assumed to be negligible, such that ion production rates
and loss rates are equal. At the subsolar peak, the photochemical time constant is on
the order of one minute and the transport time constant is two orders of magnitude
larger (Withers , 2009), so this assumption is well-satised.
Table 4.1 summarizes the assumptions of Chapman theory and how well each
is satised at Mars. The most signicant ways in which the assumptions are vio-
lated at Mars are the variable neutral densities, neutral temperatures, and electron
temperatures.
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4.4 Predictions of idealized Chapman theory
Here I present eight predictions of Chapman theory and discuss how well they
agree with Mars observations. These eight predictions are a subset of the many
predictions of Chapman theory. Section 4.4.1 addresses the magnitude of the peak
electron density (Eqs. 4.5 and 4.6). Section 4.4.2 addresses the optical thickness at
the peak altitude (Eq. 4.8). Section 4.4.3 addresses the relationship between the total
electron content and the peak electron density (Eqs. 4.9 and 4.10). Sections 4.4.4{
4.4.6 address how peak density (Eq. 4.5), peak altitude (Eq. 4.7), and TEC (Eq. 4.9)
vary with SZA. Section 4.4.7 addresses the dependence of peak density on solar ux
(Eq. 4.6) and Section 4.4.8 addresses the shape of the electron density prole (Eq. 4.4).
Section 4.4.9 summarizes the ndings of these subsections.
4.4.1 Magnitude of the peak electron density
The peak electron density, Nm, is predicted to equal
F0
eH
[Ch(SZA; X)] 0:5
(Eqs 4.5 and 4.6). Prior to recent MAVEN mission, the only in situ measurements
of ion and neutral densities were obtained by the Viking Landers. At SZA=43.5,
Viking 1 measured a peak electron density of Nm  1011 m 3 (Hanson et al., 1977)
and a neutral scale height H=10.2 km (Nier and McElroy , 1977). There was no
simultaneous measurement of the solar spectrum, but the F10.7P at Earth during
the Viking 1 entry (20 July 1976) was 73.5. Using the empirical model from Chapter
2, and correcting for the Mars-Sun distance (1.65 AU), this corresponds to a CO2
ionizing irradiance of F0 = 1:8 1014 m 2s 1.
Viking 1 also measured the electron temperature, Te, but only down to 200 km
(Hanson and Mantas , 1988). The value of Te near the peak determines the value of
, the rate coecient for the dissociative recombination of O+2 . For Te < 1200 K,
 = 1:9510 13 (300 K / Te)0:7 m3 s 1 (Schunk and Nagy , 2009). Simulated electron
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Fig. 4.1: Peak electron densities from the 5600 MGS electron density proles are
shown as a function of SZA with black crosses. The gray shaded region shows the
prediction of Chapman theory given plausible conditions (see text). The dashed red
line shows the Chapman prediction given average conditions.
temperatures around the ionospheric peak are extremely dependent on altitude (Chen
et al., 1978), and range from 140 K to 400 K (Fox and Yeager , 2006;Matta et al., 2014;
Withers et al., 2014). Adopting these extreme values,  at the peak can range from
(1:8  3:3) 10 13 m3 s 1. Using these predicted values for the electron temperature,
and the measured values above, Chapman theory predicts a peak electron density
between (1:3  1:7) 1011 for Viking 1. This prediction is larger than the measured
value of 1:01011 m 3, potentially owing to the unsatised assumptions in Chapman
theory.
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I can also compare the Chapman prediction to the 5600 peak electron densities
measurements from Mars Global Surveyor (MGS) radio occultation proles (Hinson
et al., 1999), which were obtained between 1998 and 2005 when the F10.7P at Earth
ranged from 89.6 to 173.3. Using the empirical model from Chapter 2, and correct-
ing for the varying Mars-Sun distance, these correspond to CO2 ionizing irradiances
between (2:0  3:5) 1014 m 2 s 1. No simultaneous measurements of H or Te were
obtained while acquiring the radio occultation proles so to test the Chapman pre-
diction, I adopt the minimum values of observed H, 6 km (Withers , 2006), and the
minimum predicted  to obtain a maximum Chapman prediction for Nm. Similarly, I
adopt the maximum observed value of H, 12 km (Withers , 2006), and the maximum
predicted  to obtain a minimum Chapman prediction for Nm. Figure 4.1 shows the
MGS peak densities along with these minimum and maximum predictions from Chap-
man theory. The observed values are consistent with the prediction, falling within
the bounds of the Chapman predictions. However, the peak densities are situated
below the prediction for average conditions..
4.4.2 The optical thickness at the altitude of the peak electron density
The peak altitude, zm, is predicted to be the altitude at which the optical thick-
ness n (zm)HCh(SZA; X) = 1 (Eq. 4.8). Contrary to the assumptions of Chapman
theory, the ionization and absorption cross-sections of CO2 vary with wavelength and
are not identical. However, for wavelengths between 15 nm and 90 nm, they both
have a characteristic value of 3 10 21 m2 (Schunk and Nagy , 2009).
Data from the Viking 1 lander are suitable for testing whether the peak altitude
satises Equation 4.8, it measured a peak altitude of zm=130 km (Hanson et al.,
1977), a CO2 density of n(zm)=2.3 1016 m 3, and a neutral scale height H=10.2
km (Nier and McElroy , 1977). Using these values and the adopted value for , the
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data from Viking 1 result in n (zm)HCh(SZA; X) = 0:97, in good agreement with
the predicted value of 1.0.
Other ionospheric data, such as radio occultation electron density proles and
MARSIS ionograms (Morgan et al., 2008) are not suitable for testing if the peak
altitude satises Equation 4.8 because they are not accompanied by simultaneous
measurements of n(zm). Neutral number densities between 120 km and 130 km
measured by atmospheric entry experiments on Viking Lander 1, Viking Lander 2,
and Mars Pathnder range from 1 1016 m 3 to 3 1017 m 3 (Sei and Kirk , 1977;
Nier and McElroy , 1977; Magalh~aes et al., 1999). This large variability of the neutral
density with solar cycle, latitude, season, and time of day hinders any attempt to
adopt a representative value for n(zm). In summary, the Chapman prediction for the
peak altitude is dicult to test with the current data, but the Viking Lander 1 is in
good agreement with the prediction.
4.4.3 Relationship between total electron content and peak electron den-
sity
The TEC is predicted to equal e0:5
p
2NmH ' 4:1NmH (Eqs. 4.5, 4.9, and
4.10). The MARSIS radar sounder on Mars Express has obtained millions of TEC
measurements derived from analysis of the dispersion of radio signals through the
ionosphere. However, the data reduction process involves many assumptions and the
vertical prole of electron density is often assumed to have the shape of a Chapman
prole (Safaeinili et al., 2007; Mouginot et al., 2008; Cartacci et al., 2013), which
raises questions as to how valid it is to use the resultant TEC values to test Chapman
theory. Therefore, to test this prediction, I will calculate the TEC using the MGS
electron density proles.
The MGS electron density proles are limited in altitude range, but typically
extend from 90 to 220 km. This altitude range encompasses most of the ionospheric
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Fig. 4.2: Total electron content (TEC) as a function of peak electron density for the
5600 MGS electron density proles are shown with gray circles. Bin-averaged TEC
values and their standard deviations are shown with red diamonds. The solid red line
shows the best t straight line to the binned-averages.
plasma including the M1 and M2 layers. They do not, however, extend to the top of
the ionosphere so the calculation of the TEC will underestimate the true value. To
calculate the TEC, I integrated each prole over all altitudes. Figure 4.2 shows the
5600 TEC values a function of peak density along with bin-averaged TEC values and
their standard deviations.
Figure 4.2 shows that the TEC is indeed correlated with the peak density; the
correlation coecient between TEC and peak density is 0.87. In Chapman theory
TEC is directly proportional to the peak density and this coecient should be equal
to one. To further test the prediction of a linear dependence, I t a straight line to
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the bin-averaged TEC values and found a best-t neutral scale height H = 12:6 1:1
km. This value is within a few km of measured neutral scale heights at Mars but
is on the high end of values. There is clearly abundant scatter in the data, most
likely from unaccounted variations in the solar ux and atmospheric properties. In
summary, the MGS data show a clear linear dependence between the TEC and the
peak density but there is signicant scatter about the mean TEC values.
4.4.4 Relationship between peak electron density and solar zenith angle
The peak electron density, Nm, is predicted to be proportional to sec(SZA)
 0:5
or, in the more general expression, Ch(SZA; X) 0:5 (Eq. 4.5). Many studies have
tested this prediction by tting observed values of Nm to a function of the form
Nm = N0 cos
k (SZA) (or a similar function using Ch(SZA; X)). Values of the tted
exponent, k, have ranged from 0.41 to 0.57 (Hantsch and Bauer , 1990; Fox and
Yeager , 2006; Nielsen et al., 2006; Safaeinili et al., 2007; Gurnett et al., 2008; Morgan
et al., 2008; Fox and Yeager , 2009; Nemec et al., 2011; Peter et al., 2014; Fallows et al.,
2015a). Although many of these studies are limited in their SZA coverage, the results
cluster around the predicted value of 0.5.
4.4.5 Relationship between peak altitude and solar zenith angle
The peak altitude, zm, is predicted to satisfy zm = z0 + H lnCh(SZA; X) or,
in the plane-parallel case, zm = z0 +H ln sec(SZA) (Eq. 4.7). Many studies have t
observed peak altitudes to these expressions (Fox and Yeager , 2006; Nielsen et al.,
2006; Safaeinili et al., 2007; Gurnett et al., 2008;Morgan et al., 2008; Fox and Yeager ,
2009; Nemec et al., 2011; Peter et al., 2014), although several have simply overlaid
these functional forms on plots of data and concluded by eye that the curves represent
the data adequately (Hantsch and Bauer , 1990; Zhang et al., 1990).
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The rst free parameter in the t is the subsolar peak altitude, z0, and tted
altitudes are consistent with plausible values, but this quantity has not been directly
measured. The second free parameter in the t is a lengthscale that, in Chapman
theory, is equal the neutral scale height. Fitted values are within a few km of 10
km, which is consistent with measurements. Observations clearly show that, as in
Chapman theory, zm increases with increasing SZA and the trend is broadly consistent
with the predicted functional form. However, the agreement can only be said to be
fair.
4.4.6 Relationship between total electron content and solar zenith angle
The TEC is predicted to be proportional to sec(SZA) 0:5 or, in the more general
expression, Ch(SZA; X) 0:5 (Eq, 4.9). Safaeinili et al. (2007) showed a t of MARSIS
TEC observations from a single orbit to a function proportional to Ch(SZA; X) 0:5.
Qualitatively, the t appears adequate.Mouginot et al. (2008) showed plots of TEC
versus SZA for 11 orbits of MARSIS data, but did not t the dependence of TEC on
SZA. Visual inspection shows that the shapes of these plots are grossly consistent with
the predicted dependence of TEC on SZA, but there are also some clear dierences.
For instance, TEC appears to vary linearly with SZA between 20 and 80.
Lillis et al. (2010) investigated 1.4 million TEC observations spanning two
years. They assigned data points to SZA bins of 2 width, then showed that a
function proportional to Ch(SZA; X) 0:5 passed within 1 standard deviation of the
center of each bin. The TEC values used in these three studies were all determined
by the same group, whose work in this area was originally led by Safaeinili.
Meanwhile, Cartacci et al. (2013) conducted an independent project to determine
TEC from MARSIS dispersions. Their Figure 6 shows plots of TEC versus SZA for
ve dierent years of MARSIS data. Their results are inconsistent with the ndings of
the three papers based on the processing methods of Safaeinili: TEC increased from
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SZA=60 to 70 in the 2006 and 2007 data and also increased from SZA=60 to 65 in
the 2010 data. This is inconsistent with the predicted dependence of TEC on SZA, and
it is also quite dierent from the ndings of the three papers based on the processing
methods of Safaeinili. Cartacci et al. (2013) proceeded to investigate spatial variations
in TEC connected with magnetic eld conditions, without addressing these interesting
SZA trends further.
If these measurements are taken at face value, then there is signicant uncer-
tainty as to whether the dependence of TEC on SZA does follow the prediction
of Chapman theory. However, the reliability of these TEC measurements is highly
questionable, especially for SZAs< 75 (Sanchez-Cano et al., 2015). Because these
MARSIS measurements cannot be relied upon with condence, I once again revert to
the MGS electron density proles.
Figure 4.3 shows TEC as a function of SZA for the 5600 MGS electron density
proles. I separated the TEC values into eighteen SZA bins and found the average
TEC and standard deviation in each bin. Then, I t the bin-averaged data with Equa-
tion 4.9. The t, which is shown in Figure 4.3, results in TEC/ Ch(SZA; X) 0:560:06.
The exponent is slightly larger than the predicted 0.50 and there is a large amount of
scatter in the data. In summary, the TEC varies with SZA in a way that is broadly
consistent with the prediction of Chapman theory, but the exponent is slightly larger
and there is abundant scatter in the data.
4.4.7 Relationship between peak electron density and solar irradiance
The subsolar peak electron density, N0, is predicted to be proportional to F
0:5
0
(Eq. 4.6). Previous studies have tested this prediction, usually by adjusting values of
Nm to the subsolar point, and tting them to a function of the form N0 = aF
k
0 . When
F10:7 or E10:7 (Tobiska et al., 2000; Tobiska, 2001) is used for F0, the tted exponents
k have been much smaller than the predicted value of 0.5. Instead, as discussed in
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Fig. 4.3: Total electron content (TEC) as a function of solar zenith angle (SZA) for
the 5600 MGS electron density proles are shown with gray circles. Bin-averaged
TEC values and their standard deviations are shown with red diamonds. The solid
red line shows the best t straight line to the binned-averages.
Chapter 3, they have ranged from 0.24{0.44 (Hantsch and Bauer , 1990; Breus et al.,
2004; Withers and Mendillo, 2005; Zou et al., 2006; Morgan et al., 2008; Fox and
Yeager , 2009; Nemec et al., 2011).
However, as shown in Chapter 3, if direct measurements of the solar irradiance
are used in place of F10:7 or E10:7, then the derived exponents are larger. When F0 is
equated to the integrated energy ux (FE), the integrated photon ux (F P ), or the
integrated `total number of ionizations' ux (F I) shortward of 90 nm, the exponents
are 0:48  0:02, 0:54  0:04, and 0:52  0:08, respectively. Thus, this prediction of
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Chapman theory is in agreement with the observations, as long as appropriate proxies
for the ionizing irradiance are used.
4.4.8 Shape of the electron density prole
The shape of the electron density prole, N (z), is predicted to satisfy N (z) =
Nm exp
 
1
2
(1  x  e x), where x = (z   zm) =L and L is a lengthscale equal to
the neutral scale height H (Eq. 4.4). There have been few studies that explore
quantitatively whether or not the thousands of radio occultation electron density
proles possess shapes consistent with Chapman theory. Several groups have t
proles with the Chapman shape or an approximation of it. The best-t values of the
t parameters have been interpreted, but the question of whether the ts are good
has often been neglected (e.g, Breus et al., 2004; Withers and Mendillo, 2005). The
tted values of Nm and zm agree well with their observations and the tted values
of the lengthscale L tend to be within a few km of 10 km, which is consistent with
measured values of H (Section 4.4.1).
Some electron density proles have shapes that are very consistent with the
predictions of Chapman theory, as shown in Figure 4.4. For the MGS electron density
prole shown in panel A, the root-mean-square of the residuals between the data
points and the t over altitudes between 122 km to 200 km is 1:2  109 m 3, which
is much smaller than the peak electron density of 8 1010 m 3 and smaller than the
measurement uncertainties of  2:5  109 m 3. For the Viking 1 Lander electron
density measurements shown in Panel B, the t is also good but the peak electron
density is about 10% smaller than the largest measured density. Here, the root-mean-
square of the residuals between the data points and the t over altitudes between
115 km to 200 km is 3:5  109 m 3, which is also much smaller than the observed
peak electron density of 1011 m 3 and smaller than the measurement uncertainties of
 5 109 m 3 (Hanson et al., 1977).
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Fig. 4.4: In each panel electron density measurements are shown with black circles,
the best t to the predicted Chapman shape is shown with the red line, and the
residuals between the data and the t are shown with gray circles. The vertical dashed
line is for reference and shows a residual of zero. A) MGS electron density prole
0361P19A from 26 December 2000 at SZA=79.9. B) Electron density measurements
obtained during the descent of Viking Lander 1 on 20 July 1976 at SZA=44 (Hanson
et al., 1977).
However, some radio occultation electron density proles, such as many of those
reported by Withers et al. (2012), have shapes that are very non-Chapman-like. The
characteristics of the radio occultation technique must be considered at this point.
A reported vertical prole has a horizontal resolution of several hundred kilometers
(Hinson et al., 1999). Horizontal inhomogeneities in the ionosphere could aect the
shape of the derived vertical prole, perhaps making it unrepresentative of the true
vertical structure of the ionosphere.
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The situation can be summarized by two possibilities. First, the vertical shape
of the ionosphere around the M2 layer is generally Chapman-like, but horizontal inho-
mogeneities sometimes cause radio occultation proles to possess a non-Chapman-like
shape. Or, the vertical shape of the ionosphere around the M2 layer is sometimes
Chapman-like and sometimes non-Chapman-like. At present, the second possibility
seems most plausible { sometimes conditions are such that the M2 layer is a Chapman
shape, but other times not.
4.4.9 Summary of tests of the predictions of Chapman theory
Table 4.4.9 summarizes the tests of the predictions of Chapman theory for the
ionosphere of Mars. Observed values of Nm and the optical thickness at zm are consis-
tent with predictions, but only to the extent that the information needed to test the
predictions exists. The observed relationship between TEC and Nm is also broadly
consistent with predictions, although there is scatter in the data. The observed de-
pendence of Nm on SZA is also consistent with predictions. The observed dependence
of zm on SZA is consistent with predictions, but the data points are widely scattered
around the best t line. This scatter is often interpreted as simply the result of
variations in neutral atmospheric densities, but may indicate more signicant incon-
sistencies between observations and predictions. The observed dependence of TEC on
SZA is unclear; one MARSIS data processing approach yields TEC values that vary
with SZA in the predicted manner and one does not, while results from radio occul-
tation observations appear qualitatively to vary with SZA in the predicted manner.
The observed dependence of N0 on solar irradiance is consistent with predictions, as
long as an accurate representation of the ionizing irradiance is used in place of F10:7
or E10:7. The observed shape of electron density proles is often, but not always,
consistent with predictions.
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Table 4.2: Tests of the predictions of Chapman theory for the ionosphere of Mars.
Here, Nm is the magnitude of the peak electron density; (zm) is the optical thickness
at the peak altitude; TEC(Nm) is the relationship between the total electron content
and Nm; Nm(SZA), zm(SZA), and TEC(SZA) are the relationships between Nm, zm,
and TEC with SZA; Nm(F0) is the relationship between Nm and solar ux; and shape
is the shape of the electron density prole as a function of altitude.
Prediction Consistent with Mars observations?
Nm Broadly
(zm) = 1 Yes
TEC(Nm) Broadly
Nm(SZA) Broadly
zm(SZA) Broadly
TEC(SZA) Broadly
Nm(F0) Yes
Shape Sometimes
The overall impression is that Chapman theory makes predictions that are, by
and large, satised at Mars { to the extent that they can be tested. The main
challenge in testing these predictions of ionospheric properties, such as peak density,
peak altitude, or TEC, is that the supporting information, such as electron tempera-
ture, neutral density, neutral scale height, or solar irradiance, necessary to make the
predictions is rarely available at the time and place of the ionospheric observations.
This diculty will be eliminated with the well-instrumented MAVEN mission, which
arrived at Mars in September 2014.
4.5 Discussion and conclusions
I have tested eight predictions of Chapman theory and found that all eight are
coarsely satised at Mars (Table 4.4.9). Whether or not they are precisely satised
cannot be tested with the data currently available.
The assumptions required by Chapman theory are all violated at Mars. Never-
theless, the degree to which many of them are violated is minor. The major violations
concern the densities and temperatures in the neutral atmosphere. If density and tem-
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perature variations are taken into account, then measured values will have scatter,
but have a mean that is reasonably close to the prediction. Indeed, such scatter can
be seen in many observed quantities (Figs. 4.1 - 4.3).
The assumption of an isothermal electron temperature is violated in an unusual
manner. Electron temperatures vary with altitude and SZA, but electron tempera-
tures at the peak remain remarkably constant so that, from the point of view of many
of the predictions of Chapman theory, it is as if electron temperatures are constant.
Although many of Chapman theory's predictions are coarsely satised at Mars,
care should be taken when interpreting best-t parameters derived from tting data
with the equations from Chapman theory. This is especially true for the length scales
derived from tting Chapman shapes (Eq. 4.4) to electron density proles or derived
from tting observed trends in peak altitude with SZA (Eq. 4.7). In Chapman theory,
these length scales are equal to the neutral scale height, which does not change with
altitude or SZA. At Mars, the neutral scale height increases with altitude and also
varies with SZA. Length scales derived from tting Chapman shapes to observations
will be larger than the actual neutral scale height because various processes, such as
the neutral scale height and the electron temperature increasing with altitude and
the wavelength dependent cross-sections, will widen the shape of the M2 layer in
comparison to Chapman theory (Fox and Weber , 2012). The length scales derived
from tting SZA trends in peak altitude will also dier from the actual neutral scale
height; ts to trends in the peak altitude with SZA using a numerical model have
shown that the derived length scales dier from those in the model (Fox and Weber ,
2012).
The unique magnetic environment at Mars is also relevant for the predictions
of Chapman theory. For instance, peak electron densities are larger than anticipated
over regions of strong and vertical crustal elds (Nielsen et al., 2007). However, this
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does not mean that Equation 4.6 is inaccurate. Electron precipitation in these regions
may elevate electron temperatures and decrease the dissociative recombination coe-
cient such that the enhanced densities are consistent with Equation 4.6. Nevertheless,
if peak electron densities from a single MARSIS orbit that crosses regions of strong
and vertical magnetic elds are plotted as a function of SZA, then Equation 4.5 fails
(Nielsen et al., 2007).
I must now address the original question: is Chapman theory a useful tool for
studying the ionosphere of Mars? The most tting answer is a weak one: it depends.
For back-of-the-envelope descriptions of characteristic values and trends, it seems to
provide a crudely adequate representation of the ionosphere's behavior (albeit with
caveats concerning poorly-understood electron temperatures and associated rate co-
ecients). No better simple analytical theory exists for which the numerical values of
predictions can be transparently connected to environmental conditions. For physics-
based modeling and interpretation, however, it is sorely limited and its weaknesses
are glaring.
The MAVEN mission provides an excellent opportunity to improve the precision
with which these predictions are tested. Its comprehensive payload is capable of
measuring all the important solar, atmospheric, and ionospheric properties discussed
in this chapter. Studies of how, when, and where observed ionospheric properties dier
from the predictions of Chapman theory will help determine how well the theory can
make accurate predictions for the ionosphere of Mars.
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Chapter 5
Characterization of the lower layer in the
dayside Venus ionosphere and
comparisons with Mars
5.1 Introduction
Characterization of the Venus ionosphere is essential for understanding how the
planet is inuenced by the Sun. The ionosphere is formed by the attenuation of ion-
izing solar radiation and characterization of its vertical structure, namely the depen-
dence of electron density on altitude, provides a foundation for more detailed studies
of chemistry, dynamics, and energetics. Perhaps the simplest question that can be
asked about the ionosphere is \how much plasma is there and where is it located?"
This motivates investigations of the major features in the Venus ionosphere.
Comparisons between planetary ionospheres are also fruitful; they help to dis-
tinguish universal physical processes from those that are inuenced by planet-specic
conditions. Comparisons between the Venus and Mars ionospheres are especially
enlightening because their upper atmospheres are strikingly similar.
The rst goal of this chapter is to characterize how the lower layer in the dayside
Venus ionosphere is inuenced by solar zenith angle (SZA) and solar activity. The
second goal of this chapter is to compare the behavior of the lower layer in the Venus
ionosphere to that of the main layer. This characterization and comparison provides
quantitative results that can be tested by numerical models and has implications for
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the Venus neutral atmosphere and electron temperature between 125 km and 140
km. The nal goal of this chapter is to compare these results to similar results from
the ionosphere of Mars and discuss the implications.
5.1.1 The vertical structure of the Venus ionosphere
Constraints on the vertical structure of the Venus ionosphere have primarily
come from radio occultation experiments, including those on the Pioneer Venus Or-
biter (PVO) and Venus Express (Kliore et al., 1967; Fjeldbo et al., 1975; Ivanov-
Kholodnyi et al., 1977, 1979; Savich et al., 1982; Gavrik and Samoznaev , 1987; Brace
and Kliore, 1991; Patzold et al., 2007, 2009; Peter et al., 2014). Constraints on iono-
spheric composition and energetics have primarily come from PVO in situ data during
its low altitude periapses between 1978 and 1980 (Bauer et al., 1977; Brace et al.,
1983; Hunten et al., 1983; Bougher et al., 1989).
The dayside Venus ionosphere has two layers: the V2 layer at  140 km, where
electron densities are the largest, and the V1 layer at  125 km. Here I have adopted
the nomenclature of Rishbeth and Mendillo (2004) and Patzold et al. (2007), other
studies (e.g., Fox , 2007) have referred to the V1 and V2 layers as the E and F1
layers, respectively. Since the periapsis of PVO rarely dropped below 150 km, the
properties of the V1 and V2 layers are not constrained by in situ measurements.
At altitudes around the V1 and V2 layers, transport processes are unimportant
and the ionosphere is in photochemical equilibrium (Schunk and Nagy , 2009). The ion
composition is primarily O+2 with lesser amounts of CO
+
2 , O
+, and other trace species.
The dominant loss process is dissociative recombination of O+2 with an electron (O
+
2
+ e  ! O + O). The rate of this reaction is proportional to T 0:7e (Schunk and Nagy ,
2009), where Te is the electron temperature, and so higher electron temperatures lead
to larger electron densities.
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Photoionization in the V1 and V2 layers is driven by photons from dierent parts
of the solar spectrum. Extreme ultraviolet (EUV) photons in the range 15-90 nm,
where the ionization cross-section of CO2 is relatively uniform, are absorbed in the V2
layer (Schunk and Nagy , 2009). More energetic soft X-ray photons in the range 1-15
nm, where the ionization cross-section of CO2 varies strongly with wavelength, are
absorbed in the V1 layer (Schunk and Nagy , 2009). Plasma in the V1 and V2 layers is
also produced by electron impact ionization, whereby energetic photoelectrons ionize
neutral molecules as they thermalize. Since the ionizing photons absorbed in the V1
layer are more energetic than those absorbed in the V2 layer, the ratio of the electron
impact ionization rate to the photoionization rate is predicted to be  7 in the V1
layer, but only  0:4 in the V2 layer (Fox , 2007).
5.1.2 Prior studies of the V1 layer
The properties of the dayside V2 layer have been explored in many previous
studies, especially the dependence of the peak altitude and peak density on SZA and
solar activity (Ivanov-Kholodnyi et al., 1979; Cravens et al., 1981; Savich, 1981; Breus
et al., 1985;Gavrik and Samoznaev , 1987; Kliore and Mullen, 1989; Peter et al., 2014).
By contrast, the V1 layer has not been studied in great detail. Ivanov-Kholodnyi et al.
(1979) analyzed 13 electron density proles from Venera 9/10 and asserted that the
SZA dependence of the V1 peak electron density is Chapman-like. Savich (1981)
analyzed 29 proles from Mariner 5/10, Venera 9/10, and PVO and asserted that V1
peak altitude and peak density depend on SZA in a similar manner to the V2 peak
altitude and peak density. Breus et al. (1985) analyzed 27 proles from Venera 9/10
and PVO and showed graphs of the dependence of peak density and peak altitude
on SZA for both the V1 and V2 layers. They concluded that the V1 peak density
depended on SZA in a Chapman-like manner with a subsolar peak density of 21011
m 3 and that the V1 peak altitude was insensitive to SZA. Gavrik and Samoznaev
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(1987) analyzed 86 proles from Venera 9/10 and 15/16 and conrmed these results.
They also showed that the V1 peak density increases with the F10:7), but did not
provide a t to the data.
These prior observational studies are limited; they were based on a relatively
small number of electron density proles that are particularly sparse at SZAs < 50
and the eects of solar activity have scarcely been addressed. Additionally, few
modeling studies of the dayside V1 layer exist. Fox (2007) used a numerical model
to study the V1 layer at SZAs > 60 for moderately high solar activities consistent
with the irradiance at the beginning of the PVO mission. They t the V1 and V2
peak densities to [cos (SZA)]k and stated that k = 0:35 for the V1 layer and k = 0:39
for the V2 layer. However, analysis of their tabulated peak densities suggests that
these powers were inadvertently transposed and that the predicted V1 peak density is
actually proportional to [cos (SZA)]0:39. Fox (2007) also predicted that the V1 peak
altitude increases from 125 km at SZA=60 to 129.5 km at SZA=85.
5.1.3 Dierences between the V1 and V2 layers
The main dierence between the V1 and V2 layers is that the V1 layer is pro-
duced by the soft X-ray irradiance but the V2 layer is produced by the EUV irradiance.
Although solar ares are expected to inuence the V1 layer on short timescales, I do
not investigate that here, instead, I focus on how the long-term solar cycle variability
of the soft X-ray irradiance inuences the V1 layer. As solar activity increases, the
number of soft X-ray photons increases relative to the number of EUV photons (Lean,
1991; Woods , 2008). This hardening of the solar spectrum will cause the V1 and V2
layers to respond dierently to changes in solar activity.
Another dierence is that the assumptions of Chapman theory are violated more
strongly in the V1 layer than in the V2 layer. This is because changes in the ionization
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cross-section of carbon dioxide are much more pronounced at soft X-ray wavelengths
than at EUV wavelengths (Fox , 2007; Schunk and Nagy , 2009).
The assumptions of idealized Chapman theory represent a substantial simplica-
tion over the true complexity of any ionosphere and Venus is no exception. However,
the predictions of Chapman theory serve as a benchmark to evaluate its behavior
against. Predictions that are satised, predictions that fail, and the ways in which
they fail are valuable constraints on numerical models that attempt to accurately de-
scribe the physical processes at work in the ionosphere (Fox and Yeager , 2006; Fox ,
2007; Fox and Weber , 2012; Wedlund et al., 2011; Peter et al., 2014).
5.1.4 Objectives
In this chapter I characterize the dependence of the V1 peak altitude and peak
density on SZA and solar activity and compare against a simultaneous characteriza-
tion of the V2 layer (Sections 5.3.2 { 5.3.5). Since SZA variations of the peak altitudes
and peak densities are controlled by the neutral atmosphere and the electron tem-
perature, comparisons between the two layers can reveal how these properties behave
at these altitudes. I also characterize how the peak density and the morphology of
the V1 layer respond to changes in solar activity (Sections 5.3.6 { 5.3.8). Lastly, I
compare the Venus results to similar work at Mars so that we can begin to distinguish
processes that are planet-specic from those that are more universal (Section 5.4).
5.2 Data
In this chapter I use ionospheric data, electron density proles from Venus Ex-
press, and solar activity data, the E10:7 solar index. In this section I introduce these
datasets.
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5.2.1 Electron density proles
The Venus Express spacecraft (VEX) launched on 9 November 2005 and entered
Venus orbit on 11 April 2006. The scientic payload of VEX includes the Venus Ex-
press Radio Science Experiment (VeRa) (Hausler et al., 2006; Patzold et al., 2007),
which conducts radio occultation studies of the ionosphere and neutral atmosphere
using downlink signals at both X and S bands that are referenced to an onboard ultra-
stable oscillator (Hausler et al., 2007). Vertical proles of ionospheric electron density
can be produced from analysis of either one radio signal only (single frequency, of-
ten X-band) or both X-band (8.5 GHz) and S-band (2.3 GHz) (dierential Doppler).
Dierential Doppler proles are preferred because the two-frequency technique elimi-
nates contaminants arising from errors in the spacecraft and ground station velocities.
They represent the true electron density distribution in the ionosphere and I use them
when available. However, dierential Doppler proles are only available for about half
of the occultations. When they are unavailable, I must consider using the X-band
proles.
I obtained X-band electron density proles and, when available, dierential
Doppler proles, from over 750 occultations that were observed between 11 July 2006
and 16 January 2014. Radial distances were converted to altitudes by subtracting a
reference radius of 6051.8 km. Following Peter et al. (2014), I discarded all proles
that had SZA  85 or did not extend above 350 km. This SZA criterion focuses on
dayside proles, excluding those within 5 of the terminator. The altitude criterion
eliminates proles whose pre-occultation baseline is insucient for adequate calibra-
tion. If, after application of these criteria, a dierential Doppler prole is available
for a given occultation, then it is used. Otherwise, the X-band prole is used. How-
ever, some dierential Doppler proles had large data gaps, did not extend down to
the V1 layer, or had uncharacteristic electron densities which were likely caused by
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signal tracking errors during data recording. These proles were replaced by their
corresponding X-band versions when available. In addition, four proles were dis-
carded because their uncertainties, which are described in the following paragraph,
were greater than 50% of their maximum electron density. These proles were also
likely aected by signal tracking errors during data recording.
The electron density proles have a typical vertical range of 100 km to 950 km
and a typical vertical resolution of the Fresnel radius of 0.70 km. The uncertainties
in the measured electron densities for a given prole were equated to the uncertainty
in the electron density at an altitude of 115 km, which was reported in the data
les. This approach leads to each prole having the same uncertainty at all altitudes.
The dierential Doppler proles have an average uncertainty in electron density of
1:5  1010 m 3 and the X-band only proles have a smaller average uncertainty of
1:0 109 m 3.
After application of these criteria, there are 222 VeRa electron density proles
with SZAs between 9.5{ 84.9. The proles were obtained between 14 July 2006 and
4 January 2014, during which the solar activity went from the deep solar minimum of
Solar Cycle 23 to the rising solar activity phase of Solar Cycle 24. The coverage of the
data set including date, latitude, longitude, local solar time, and SZA is illustrated
in Figure 5.1.
5.2.2 Solar activity indices
Solar activity is characterized using Earth-based E10:7 solar indices (Tobiska,
2001) obtained from the Solar Irradiance Platform V2.37 (Tobiska and Bouwer ,
2006) (http://www.spacewx.com/solar2000.html). Although there are several ade-
quate proxies for characterizing solar activity (Chapters 1-3), E10:7 is used here be-
cause it can readily be connected to the full solar EUV spectrum in modeling studies
of the Venus ionosphere.
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Fig. 5.1: Characteristics of the electron density proles used in this study. In all
panels blue signies low solar activity, gray moderate solar activity, and orange high
solar activity. A) The Venus geographic latitude and longitude of each observation.
B) The Venus local solar time and date of each observation. C) The SZA and
E10:7;Venus, a measure of solar activity, for each observation.
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Since E10:7 indices are produced for Earth, they must be processed before ap-
plication at Venus. Using a technique previously validated on TIMED-SEE data
(http://lasp.colorado.edu/see/see software.html) (Girazian and Withers , 2013; Ed-
berg et al., 2013), I corrected for the slightly varying Venus-Sun distance and for
variations caused by Earth and Venus seeing dierent hemispheres of the Sun. I
calculated a \shifted date", meaning the date on which Earth was facing the same
hemisphere of the Sun as Venus was facing on the date of the occultation. The shifted
date is calculated using tshift = tot, where tshift is the shifted date, to is the date of
the occultation, t = (27 days)  (Earth-Sun-Venus angle/360) where 27 days is the
solar rotation period, and the  corresponds to when Venus was trailing or leading
Earth in their orbits, respectively. If jtj < 7 days, then I computed E10:7;Venus { my
representation of solar activity at Venus { using
E10:7;Venus =

1AU
d(to)
2
E10:7(tshift): (5.1)
If jtj  7 days, then I computed a weighted average using
E10:7;Venus =

1AU
d(to)
2
[w1E10:7(tshift) + w2E10:7(tshift  27 days)] : (5.2)
Here, d(to) is the Venus-Sun distance in AU during the observation, w1 = (0:5 +
0:077(13:5   t)), w2 = 1:0   w1, and E10:7(X) is the E10:7 value measured at 1
AU on day X. The expression for w1 ensures a proper transition to unshifted values
at t = 7 days and t = 20 days. This correction process is imperfect since it
neglects time variations in the solar ux, but it is sucient for the purposes here.
Figure 5.1C shows how the E10:7;Venus values are distributed in SZA for the electron
density proles.
These solar activity indices are used to classify the electron density proles into
low, moderate, and high solar activity bins. An electron density prole is categorized
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as low solar activity if E10:7;Venus  200, high solar activity if E10:7;Venus  240, and
moderate solar activity otherwise. These criteria separate the 222 proles into 97 at
low solar activity, 48 at moderate solar activity, and 77 at high solar activity. As
shown in Figure 5.1C, these criteria match the natural groupings apparent in the set
of electron density proles. Additionally, they will help isolate trends due to changes
in SZA from those due to changes in solar irradiance. The weak solar activity that
has characterized Solar Cycle 24 means that high solar activity levels in this work
may not be directly comparable to other denitions of high solar activity epochs. For
example, the highest solar activities seen in this work are lower than those used in
the simulations of Fox (2007).
5.3 Analysis
First, I explore how the gross characteristics of the electron density proles de-
pend on SZA and solar activity (Section 5.3.1). Second, I describe the method for
determining the peak altitudes and peak densities of the V1 and V2 layers (Sec-
tion 5.3.2). Third, I examine how the peak altitudes vary with SZA and solar ac-
tivity (Sections 5.3.3 and 5.3.4). Fourth, I examine how the peak densities respond
to changes in SZA (Section 5.3.5) and solar activity (Section 5.3.6). Fifth, I charac-
terize the morphology of the V1 layer and examine its variations with solar activity
(Section 5.3.7). Finally, I explore the importance of secondary ionization in the V1
layer (Section 5.3.8).
5.3.1 Gross characteristics of electron density proles
Figure 5.2 shows the 97 proles at low solar activity and the 77 proles at high
solar activity, grouped by SZA. Panels A{D clearly show that, at SZAs less than 65,
higher solar activity leads to higher electron densities in the V1 layer. However, this
trend is less apparent at the higher SZAs shown in Panels E{F, which range between
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65 and 85. Both SZA and solar activity aect the V1 and V2 densities, but for a
ten degree change in SZA, the change in density is signicantly larger at high SZA
than at low SZA (Chapman, 1931a), which results in increased overlap between the
low and high solar activity proles in Panels E-F.
The importance of solar activity as an inuence on electron densities in the V1
layer is nicely illustrated by Panels A-D of Figure 5.2, where it is shown that V1
electron densities increase more with solar activity than V2 electron densities. At
SZAs between 40{50 (Panel B), densities in the V1 layer increase by 100% from low
to high solar activity (11011 m 3 to 21011 m 3), whereas densities in the V2
layer increase by only 25% (41011 m 3 to 51011 m 3). Similar behavior at other
SZAs is evident in Panels A, C, and D. This behavior shows the basic eect that the
hardening of the solar spectrum has on V1 densities compared to V2 densities, since,
as shown in Chapter 2, the soft X-ray irradiance increases by a larger proportion
than the EUV irradiance. Further eects of the hardening of the solar spectrum are
addressed in Sections 5.3.7 and 5.3.8.
5.3.2 Determination of peak altitudes and peak electron densities
Here I describe a method for determining the peak altitudes and peak densities
of both layers. I seek an automated, reproducible method that determines V2 peak
properties as a byproduct of the V1 determination so that V1 and V2 peak properties
from the same proles can be compared. The challenge is that, although the peak
of the V2 layer is readily identied, the peak of the V1 layer is not, since it usually
appears as a ledge below the V2 layer and frequently lacks a local maximum.
For the V2 layer I simply located the maximum electron density and its altitude
in each prole. The uncertainty in the V2 peak density was equated to the uncertainty
in that prole's measured densities. The uncertainty in the V2 peak altitude for
a given prole was derived using the method of Peter et al. (2014). The upper
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Fig. 5.2: Electron density proles at low (blue) and high (orange) solar activity.
Panels show dierent SZA ranges, from 0{40 in Panel A to 75{85 in Panel F.
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uncertainty was equated to hu;V 2   hmax;V 2, where hmax;V 2 is the V2 peak altitude
and hu;V 2 is the highest altitude data point whose density was within 1 uncertainty
of the peak density. Similarly, the lower uncertainty was equated to hmax;V 2   hl;V 2,
where hl;V 2 is the lowest altitude data point whose density was within 1 uncertainty
of the peak density. If no data points around the peak were within 1 uncertainty
of the peak density, then hu;V 2 and hl;V 2 were dened as the altitudes of the data
points adjacent to the peak density data point. The average uncertainty in the V2
peak altitude is 1.1 km.
A more complicated approach was required for the V1 peak properties and it is
illustrated in Figure 5.3. First, the electron densities in the V2 layer were t with the
shape of a Chapman layer (Eq.4.4). Since the proles extend to high altitudes the
t was performed on the subset of the prole around the V2 layer where, above the
peak, the density was greater than 85% of the V2 peak density, and below the peak,
the density was greater than 75% of the V2 peak density. Five proles were unable to
be t by a Chapman shape because there were less than three data points within the
tting range. These proles were eliminated from further analysis, leaving 217 proles
that were acceptably t by a Chapman layer. Next, I extended the Chapman t to all
altitudes and subtracted the predicted densities from the measured densities. In most
proles the resultant residuals had a single, clear peak where one would identify the
V1 layer by visual inspection. Finally, I equated the V1 peak altitude to the altitude
of the peak residual density and equated the V1 peak density to the observed density
at that altitude. Although the results are sensitive to the precise details of the tting
procedure, this sensitivity is weak.
Uncertainties in the V1 peak densities and peak altitudes were derived using a
technique similar to those used to derive uncertainties in the V2 peak densities and
altitudes. The uncertainty in the V1 peak density of a given prole was equated to
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Fig. 5.3: Four examples of the method used to determine the V1 peak altitude and
peak density (Sec. 5.3.2). The year, day of year (doy), orbit number, and SZA are
shown for each prole. In each panel, open black circles show the electron density
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t.
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vertical dotted line indicates a residual density of zero for reference. The red diamond
shows the inferred V1 peak altitude and peak density, dened as the electron density
measurement coinciding with the peak of the residuals near the V1 layer.
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the uncertainty in that prole's measured densities. The uncertainty in the V1 peak
altitude was equated to the largest value of hu   hmax;V 1 or hmax;V 1   hl, where hu
is the highest altitude data point whose density was within 1 uncertainty of the V1
peak density and hmax;V 1 is the V1 peak altitude. If no data points around the V1
peak were within 1 uncertainty of the V1 peak density, then hu and hl were dened
as the altitudes of the data points adjacent to the peak density data point. The
average uncertainty in the V1 peak altitude is 1.9 km.
Figure 5.3 shows four examples of this tting procedure. Panels A and B show
examples of ts to the V1 layer that are consistent with what visual inspection would
yield. Figure 5.3C shows an example of a t to the V1 layer that diers somewhat from
what visual inspection would yield. Here the tted V1 peak altitude is 2 km below
the local maximum that is present in the measured electron densities. Consequently,
the tted V1 peak density is smaller than the local maximum density by . 1 1010
m 3. Figure 5.3D shows an example of a t to the V1 layer where visual inspection
would be unable to condently identify the existence of a V1 layer. Nevertheless,
the results of this t are consistent with the results from other proles with more
obvious V1 layers. Based on these comparisons, I have condence that this algorithm
for determining V1 peak properties works well, even though there is large variation
in the V1 layer morphology.
5.3.3 Inuence of solar zenith angle on peak altitudes
Figure 5.4 shows the dependence of the derived V1 and V2 peak altitudes on
SZA. On the whole, the V1 and V2 peak altitudes are constant with SZA. The peak
altitude occurs where the optical thickness of the atmosphere at ionizing wavelengths
is close to one, and thus is controlled by the neutral density as a function of altitude.
These results are consistent with previous studies that have explained the constant
peak altitudes by the competition between the increased photon path length at higher
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Fig. 5.4: Peak altitudes from low, moderate, and high solar activity are shown with
blue, gray, and orange circles, respectively. The horizontal black dashed lines show
the median peak altitude of the V1 layer (127 km) and the V2 layer (141 km). 1
uncertainties are also shown. A) The dependence of the V1 peak altitude on SZA.
B) The dependence V2 peak altitude on SZA.
SZAs, which increases the peak altitude, and the collapse of the neutral atmosphere
with SZA, which decreases the peak altitude (Ivanov-Kholodnyi et al., 1979; Cravens
et al., 1981; Breus et al., 1985; Kliore and Mullen, 1989; Peter et al., 2014).
5.3.4 Inuence of solar activity on peak altitudes
Figure 5.4 also shows that the V1 and V2 peak altitudes have no signicant
dependence on solar activity with subsets of low, moderate, and high solar activity
overlapping. The average peak altitude for the three dierent subsets of solar activity
are all equal to 127  1 km for the V1 layer and 141  1 km for the V2 layer. By
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contrast, Brace and Kliore (1991) stated that unpublished PVO radio occultation
observations showed a decrease of more than 5 km in the V2 peak altitude from solar
maximum to solar minimum.
5.3.5 Inuence of solar zenith angle on peak electron densities
Figure 5.5 shows the dependence of the derived V1 and V2 peak densities on
SZA. Both peak densities decrease as SZA increases, and as shown in Peter et al.
(2014), up to SZA 65, there is a clear distinction between subsets of data at low,
moderate, and high solar activities, with densities larger at high solar activity than
at low solar activity.
Following the approach of previous studies, I t the low and high solar activity
subsets of peak densities to the equation
Npeak = N0[Ch(SZA; X)]
 n (5.3)
where Npeak is the observed peak electron density, N0 is the tted subsolar peak
electron density, n is a tted exponent, Ch(SZA; X) is the Chapman function (Smith
III and Smith, 1972) { a geometric factor that reduces to (cos (SZA)) 1 for small SZA,
and X is the ratio of the radial distance to the center of mass of the planet (6051.8
km plus either 141 km or 127 km) to the scale height of the neutral atmosphere (5
km).
To derive best-t values of N0 and k, I linearized Equation 5.3 by taking the
logs of both sides, and used the linear least-squares technique with each data point
weighted by its measurement uncertainty (Bevington and Robinson, 2003). However,
from Fig. 5.5, it is readily apparent that the measurement uncertainties are much
smaller than the scatter in the data points. Since the derived uncertainties in N0 and
k are proportional to the measurement uncertainties, their values are unrealistically
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Fig. 5.5: Peak densities and their 1 uncertainties from low, moderate, and high
solar activity are shown with blue, gray, and orange circles, respectively. Fits of peak
densities from low and high solar activity to the equation Npeak = N0[Ch(SZA; X)]
 n
are shown with blue and orange lines, respectively. Each black dashed line shows
the Chapman prediction of n = 0:50 using a subsolar peak density, N0, that is equal
to the best-t value. The derived best t parameters are provided in the text. A)
The dependence of the V1 peak density on SZA. B) The dependence of the V2 peak
density on SZA.
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small (< 1%). The reason is that this technique is appropriate for a controlled and
repeatable experiment in which the scatter of multiple measurements is consistent
with the measurement uncertainty given a limited range of the independent variable.
That is not the case here, in which, relative to the measurement uncertainties, there
are large variations in the peak density at a xed SZA. These variations are caused by
factors that inuence ionospheric conditions such as unknown changes in the neutral
atmosphere or solar irradiance. Therefore, I used an alternative method to derive
more realistic uncertainties in the best-t parameters N0 and k by using the measure-
ment uncertainties to specify relative weights in the tting procedure, then increasing
their absolute weight until the reduced chi-squared was equal to one.
For the V2 layer, the best t parameters are N0 = (4:86  0:05)  1011 m 3
and n = 0:53 0:01 during low solar activity and N0 = (6:00 0:05) 1011 m 3 and
n = 0:470:01 during high solar activity. These results are similar to previous studies
(Ivanov-Kholodnyi et al., 1979; Cravens et al., 1981; Savich, 1981; Breus et al., 1985;
Gavrik and Samoznaev , 1987; Kliore and Mullen, 1989; Peter et al., 2014).
For the V1 layer, the best t parameters are N0 = (1:60 0:04) 1011 m 3 and
n = 0:53  0:03 during low solar activity and N0 = (2:70  0:05)  1011 m 3 and
n = 0:550:02 during high solar activity. These results are in accord with the results
of Breus et al. (1985) and Gavrik and Samoznaev (1987).
Fox (2007) modeled the Venus ionosphere at high solar activity for SZAs between
60 and 90 and predicted that the V1 peak density is proportional to (cos (SZA))0:39
(Sec. 5.1.2). To enable more direct comparisons to these results, I repeated this t
using only the V1 peak densities tabulated in Fox (2007) that have SZAs  85 and
derived an exponent of 0.49. Furthermore, since cos (SZA) is only an approximation
to Ch(SZA; X), and becomes increasingly less appropriate at higher SZAs, I also t
the tabulated V1 peak densities with SZAs  85 to Npeak = N0[Ch(SZA; X)] n and
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derived n = 0:54 and N0 = 2:9  1011 m 3. The exponent is in excellent agreement
with the observational results presented here. The subsolar peak density is slightly
larger than the value observed here at high solar activity and is most likely a conse-
quence of dierent solar irradiances; the models of Fox (2007) used irradiances from
day of year 178 of 1999 (27 June, F10:7 = 207), a period when E10:7;Venus = 359,
whereas most of the high solar activity data have E10:7;Venus < 300.
5.3.6 Inuence of solar activity on peak electron densities
In Section 5.3.1 I showed that V1 electron densities increase with solar activity
more than V2 electron densities. This is illustrated in Figure 5.6, which shows the
ratio of the V1 peak density to the V2 peak density as function of solar activity. The
ratio increases by 33% from low to high solar activity, increasing from  0:30 to
 0:45. These ratios could be even larger during a strong solar maximum and are an
interesting target for numerical simulations.
The observed ratio of the V1 and V2 peak density can also be compared against
predictions. The simulations of Fox (2007) predict a ratio on the order of 0.45, which
is consistent with the high solar activity results. They also found that the ratio
decreased from 0.48 at SZA=60 to 0.43 at SZA=85. Similarly, I found that this
ratio decreases with increasing SZA in the high solar activity subset: the ratio is
 0:40 { 0:45 for SZAs < 60 but slightly less than 0:40 for SZAs > 70. However, I
found no signicant variation for low and moderate solar activities.
The eect of solar irradiance on peak electron densities can be expressed quanti-
tatively. Following the approach of Kliore and Mullen (1989), I used the entire data
set to t equations that represent the dependence of the V1 and V2 peak densities
on both E10:7;Venus and SZA. To perform these ts, I used the same technique used in
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Fig. 5.6: The ratio of the V1 peak density to the V2 peak density and its dependence
on solar activity. 1 uncertainties are also shown. As discussed in Section 5.2.1, the
uncertainties are noticeably larger for the dierential Doppler proles.
Sec. 5.3.5 and found:
Npeak;V1 = ((2:11 0:03) 1011 m 3)


E10:7;Venus
200
(0:870:05)
(Ch(SZA; X))( 0:560:02) (5.4)
Npeak;V2 = ((5:38 0:03) 1011 m 3)


E10:7;Venus
200
(0:450:02)
(Ch(SZA; X))( 0:500:01) (5.5)
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The E10:7;Venus data were normalized to a value of 200, a representative middle value
of the data set. The derived Ch(SZA; X) exponent for the V2 layer is consistent with
that derived by Kliore and Mullen (1989), who analyzed 105 PVO proles from the
maximum and declining phases of Solar Cycle 21 and found:
Npeak;V2 = ((5:92 0:03) 1011 m 3)


FEUV;Venus
150
(0:3760:011)
(cos (SZA))( 0:5110:012) (5.6)
where FEUV;Venus is the EUV ux corrected to Venus derived from a combination of
solar spectra measurements and the model of Hinteregger et al. (1981). The tted
exponent for the dependence of V2 peak density on solar activity, 0:450:02, is larger
than the 0:376 0:011 found by Kliore and Mullen (1989). This discrepancy can be
attributed to the use of the E10:7;Venus index to represent solar irradiance, rather than
the FEUV;Venus used by Kliore and Mullen (1989).
Equation 5.4 is the rst of its kind reported for the V1 layer and it provides
another benchmark for numerical simulations. The Ch(SZA; X) exponent for the V1
layer, 0:56 0:02, is slightly larger than the Chapman-like exponent of 0.50 and that
of the V2 layer. By contrast, the E10:7;Venus exponent for the V1 layer, 0:87 0:05, is
strikingly larger than the exponent for V2 layer, 0:45 0:02, and than the prediction
of Chapman theory of 0.50. The larger exponent is another consequence of the solar
spectrum hardening as solar activity increases.
5.3.7 Morphology of the V1 layer
The shape of the V1 layer is an important diagnostic of the physical processes
that control the region. An indistinct shape indicates that either plasma production
processes are relatively weak or plasma loss processes are relatively strong. A promi-
nent shape indicates the opposite. In order to constrain the physical processes that
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Table 5.1: Dependence of the morphology of the V1 layer on solar activity. Read \A
(X%)" as A instances with an occurrence rate of X% for a given E10:7;Venus and Type
of V1 layer.
E10:7;Venus  200 200-240  240 Total
Type 1 24 (26%) 3 (6%) 3 (4%) 30 (14%)
Type 2 55 (60%) 34 (71%) 54 (70%) 143 (66%)
Type 3 13 (14%) 11 (23%) 20 (26%) 44 (20%)
control the morphology of the V1 layer, I investigated how the morphology depends
on solar activity.
The morphology of the V1 layer was characterized using the classication scheme
of Fox and Weber (2012), who analyzed the analogous M1 layer in the Mars iono-
sphere. Type 1 proles are those where the V1 layer is dicult to recognize and
appears only as a change in slope on the bottom of the V2 layer. Type 2 proles
are those where the V1 layer is more pronounced, and resembles a shelf or ledge on
the bottom of the V2 layer. Type 3 proles are those where the V1 layer is easily
recognized and has a local maximum as well as what Fox and Weber (2012) referred
to as a \notch" | a small minimum that separates the V1 and V2 layers. The notch
morphology has also been observed in the terrestrial ionosphere and is called the `E-F
valley'. Type 4 proles are those where the V1 layer is very pronounced.
Figure 5.7 shows two examples of each type of morphology, and it is readily ap-
parent that the shape of the V1 layer varies more than that of the V2 layer. Table 5.1
lists the occurrence rate of each morphology type for specied solar activity ranges.
No signicant dependence of morphology type on SZA was found.
Of the 217 proles I classied 30 (14%) as Type 1, 143 (66%) as Type 2, 44
(20%) as Type 3, and 0 (0%) as Type 4. Type 1 proles, where the V1 layer is
merely a change in the slope on the bottom of the V2 layer, have an occurrence
rate of over 26% at low solar activity, but decreases to 6% or less at moderate and
high solar activity. Conversely, the occurrence rate of Type 3 proles, where the V1
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Fig. 5.7: Examples of Type 1, Type 2, and Type 3 morphologies for the V1 layer.
The prominence of the V1 layer increases from Type 1 to Type 2 to Type 3. The
text in the upper left corner of each panel states the SZA, the orbit number, and the
observation date.
layer is prominent, is only 14% at low solar activity, but increases to 23% or more at
moderate and high solar activity. As expected, the occurrence rate of Type 3 proles
relative to the occurrence rate of Type 1 proles increases with solar activity. The
occurrence rate of Type 2 proles exceeds 60% for all solar activities, making this the
most likely morphology, and is eectively independent of solar activity.
To further interpret these trends, I obtained daily-averaged spectra (0.5-90
nm) from the Solar EUV Experiment (SEE) on the TIMED spacecraft (Woods and
Eparvier , 2006). The use of daily-averaged spectra introduces some uncertainty in
the analysis because the EUV ux varies on timescales shorter than one day. The
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spectra were corrected to Venus (Section 5.2.2) to produce one EUV spectrum for
each electron density prole. I was unable to obtain spectra for seven of the electron
density proles because no SEE data was available; these proles were excluded from
the analyses that include SEE data. I also converted the spectra from energy ux to
photon ux by dividing them by hc=, where h is Planck's constant, c is the speed of
light, and  is the middle wavelength of each 1 nm wavelength bin.
Figure 5.8A shows the ratio of the soft X-ray irradiance (1-15 nm) to the EUV
irradiance (15-90 nm) as a function of time for each corrected EUV spectrum. The
ratio is 0:025 at solar minimum (2008) and increases to 0:040 near solar maximum
(2013). This illustrates the hardening of the solar spectrum and shows that, as a
consequence, the number of Type 3 proles relative to Type 1 proles increases with
solar activity.
Next, I averaged all of the spectra associated with a Type 1 prole. This \Type
1 spectrum" is shown in Figure 5.8B, along with the \Type 2 spectrum" and \Type
3 spectrum" that were derived similarly. At all wavelengths, the ux is greater in
the Type 3 spectrum than in the Type 1 spectrum. This is a consequence of the V1
morphology depending on solar activity: the Type 1 spectrum is the average of many
spectra from low solar activity but few from high solar activity. Conversely, the Type
3 spectrum is the average of many spectra from moderate and high solar activity but
few from low solar activity.
Few modeling studies of the V1 layer exist, particularly ones that explore the
eects of solar activity. However, Fox and Sung (2001) modeled the Venus ionosphere
during low and high solar activity using the Hinteregger et al. (1981) solar ux model.
At both low and high solar activity their simulated V1 layers resemble Type 2 mor-
phologies. By contrast, in the simulations of Fox (2007), which used the SOLAR2000
solar ux model, the simulated V1 layer for SZA = 60 has a local maximum and
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Fig. 5.8: A) The ratio of the soft X-ray irradiance (1-15 nm) to the EUV irradi-
ance (15-90 nm) for each VEX observation. Dierent colors and symbols represent
dierent V1 layer morphologies: Type 1 are shown with blue asterisks, Type 2 with
gray crosses, and Type 3 with orange diamonds. B) The average TIMED-SEE solar
EUV spectrum associated with Type 1 (blue), Type 2 (gray), and Type 3 (orange)
morphologies.
resembles a Type 3 prole. This discrepancy is most likely due to the use of dier-
ent solar ux models, although the results are peculiar because Fox (2007) clearly
states that the soft X-ray uxes in the SOLAR2000 model are smaller than those in
the Hinteregger et al. (1981) model. Further studies are needed to test if numerical
models can accurately reproduce the morphology of the V1 layer and its dependence
on solar activity. I will further explore this topic in Chapter 6.
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5.3.8 The importance of secondary ionization in the V1 layer
Figure 5.9 illustrates the importance of secondary ionization in the V1 layer; the
V2 subsolar peak density is compared to the EUV irradiance, and the V1 subsolar
peak density is compared to the soft X-ray irradiance. The square-root of the irra-
diance was used for comparison because the dominant ion loss process is dissociative
recombination which depends on the square of the electron density. To correct them
to the subsolar point, the V1 peak densities were multiplied by [Ch(SZA; X)]0:54 and
V2 peak densities by [Ch(SZA; X)]0:50 (Section 5.3.5). Then, the axes were scaled
such that the time series of EUV irradiances overlaps the corresponding time series
of V2 peak densities. With this scaling the soft X-ray irradiance must be multiplied
by a factor of approximately 4.5 in order to overlap the V1 peak densities. This
indicates that each X-ray photon deposited in the V1 layer produces 4.5 times more
ion-electron pairs than each EUV photon deposited in the V2 layer. I also repeated
this analysis for low, moderate, and high solar activity subsets and found that the soft
X-ray irradiance must be multiplied by 4, 5, and 5 respectively. Although this is a
small eect, it is consistent with the hardening of the solar spectrum in that the num-
ber of ion-electron pairs produced per photoionization event in the V1 layer increases
with solar activity. This is because, as the spectrum hardens, the average photon
energy deposited in the V1 layer increases, resulting in more secondary ionizations.
Fox (2007) predicted the photoionization and electron impact ionization rates
as a function of altitude for SZA= 60 during high solar activity. Taking the values
at the V1 and V2 peak altitudes of the model, I nd an equivalent factor of  6,
which is potentially consistent with my results considering the higher solar activity
in the model (E10:7;Venus = 359) than in the observations presented here (E10:7;Venus <
300).
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Fig. 5.9: A representation of the importance of secondary ionization in the V1 layer.
V1 and V2 subsolar peak densities are shown with black triangles and black circles,
respectively, and are plotted with the date of each observation. The square-root of
the EUV irradiance (15-90 nm) for each observation is shown with red crosses and
the square-root of the soft X-ray irradiance (1-15) nm is shown with red asterisks.
The irradiance axis has been scaled so that the EUV irradiances line up with the V2
subsolar peak densities. In order for the soft X-ray irradiances to line up with the V1
subsolar peak densities, they had to be multiplied by 4.5.
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5.4 Comparisons with Mars
In many ways the V1 and V2 layers at Venus are analogous to the M1 and M2
layers at Mars. The neutral thermospheres are similar at the two planets with carbon
dioxide the most abundant species. The major dierences are that the mixing ratio
of atomic oxygen at a given pressure level is greater at Venus than at Mars (Bougher
et al., 2002), the neutral scale height at Mars, 10 km, is twice that at Venus, 5 km
(Bougher , 1995), and Venus rotates much slower than Mars. The intensity of sunlight
is also greater at Venus because it is closer to the Sun. Therefore, comparisons
between the behaviors of these ionospheric layers ought to be illuminating. If trends
seen at the two planets are dierent, then some planet-specic processes must be
responsible, and identifying the underlying causes of such dierences tests models of
terrestrial planet ionospheres. A review of the comparisons between the Venus and
Mars ionospheres is presented in Kliore (1992).
In this section I compare the V1 results to similar studies of the M1 layer at
Mars. These studies have investigated the M1 layer using subsets of the 5600 Mars
Global Surveyor (MGS) electron density proles that have SZAs between  70 and
90 (Liao et al., 2006; Fox and Yeager , 2006, 2009).
5.4.1 Inuence of solar zenith angle on peak altitudes
Fox and Weber (2012) separated their data into 36 longitude bins and t M1
peak altitudes, hpeak;M1, to the equation hpeak;M1 = A+B ln(eective sec(SZA)) where
A is the subsolar peak altitude, B is the slope of the peak altitude as a function of
SZA, and ln(eective sec(SZA)) is the neutral column density along the line-of-sight
of the Sun divided by the vertical column density. This term was computed using an
atmospheric model and is similar to Ch(SZA; X). Using this technique, they derived
average t parameters that represent the behavior of each layer; for the M1 layer,
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AM1 = 109 km and BM1 = 4:2  1:6 km, and for the M2 layer, AM2 = 125 km and
BM2 = 6:8  1:7 km. The positive values for the slopes, B, indicate that the peak
altitudes of both layers increase signicantly with SZA.
According to these results, the M1 peak altitude increases by more than 9 km
(about one scale height) from a SZA of 5 to 85 and the M2 peak altitude increases
more with SZA than the M1 peak altitude. By contrast, the V1 peak altitude increases
by less than half a scale height from a SZA of 5 to 85, and the V2 peak altitude
does not increase more with SZA than the V1 peak altitude. Thus, the M1 and M2
peaks separate with increasing SZA, but the V1 and V2 peaks do not.
A qualitative explanation for why the M1 and M2 peak altitudes separate with
SZA is that, compared to the M1 peak, the M2 peak occurs in a region of larger neutral
scale height due to the higher neutral temperatures and smaller mean molecular mass
at the relevant altitudes. Peak altitudes are controlled by the optical thickness of the
atmosphere at ionizing wavelengths, which does not change drastically with SZA at
the peaks. Thus, these trends in the M1 and M2 peak altitude are driven by changes
in the neutral scale height with altitude which cause the M2 peak altitude to increase
more with SZA than the M1 peak altitude. Additionally, as the M1 and M2 peaks
rise with SZA they encounter regions where the mixing ratio of atomic oxygen is
larger. The additional O increases the loss rate of CO+2 ions, resulting in increased
separation between the M1 and M2 peaks (Mayassi and Mendillo, 2015). At Venus,
the neutral scale heights and atmospheric composition at the V1 and V2 peaks stay
relatively constant as the neutral atmosphere collapses with SZA, and thus the V1
and V2 peaks do not separate with SZA.
5.4.2 Inuence of solar activity on peak altitudes
Fox and Weber (2012) also found that, on average, M1 and M2 peak altitudes
decrease as solar activity increases and that the trend is more prominent at the M1
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peak. They reported that the M1 peak altitude decreased by 2 km from low to high
solar activity. By contrast, the V1 and V2 peak altitudes show no dependence on solar
activity (Fig. 5.4). Fox and Weber (2012) suggested that these observed trends in M1
and M2 peak altitudes were a consequence of the hardening of the solar spectrum,
which increases the relative number of short-wavelength, deeper-penetrating photons.
The dierence between the trends in the V1 and M1 peak altitudes with solar activity
might be due to the lower level of solar activity during the VEX mission, when
F10.7 rarely went above 200, compared to the MGS mission, when F10.7 was above
200 routinely. Or, perhaps these trends result from solar activity variations in the
neutral atmosphere, which are more pronounced at Mars than at Venus (Bougher
et al., 1999b). Alternatively, the smaller scale height of Venus could make this trend
imperceptible at Venus.
5.4.3 Inuence of solar zenith angle on peak electron densities
Liao et al. (2006) and Fox and Yeager (2006, 2009) t M1 peak densities,
Npeak;M1, to the equation Npeak;M1 = A[cos (SZA)]
a, where A is the tted subsolar
M1 peak density and a is a tted exponent. The nine exponents derived in these
studies range from 0.32 to 0.55 with a mean of 0.45 and a median of 0.48 (exponents
taken from Eqs. 3 and 4 from Liao et al. (2006), Fig. 5 from Fox and Yeager (2006),
and Table 2 from Fox and Yeager (2009)). However, recall from Section 5.3.5 that
using the cosine function as an approximation to Ch(SZA; X) results in smaller val-
ues of the tted exponent, with that example displaying an increase of 0.05 in the
tted exponent. Repeating the previous studies of the M1 layer with the Chapman
function rather than the cosine function might raise the Mars exponents to values
closer to those at Venus (0.55). Alternatively, the very limited range of SZA used in
the M1 layer studies, an unfortunate consequence of the MGS orbit, could also have
aected their results. Nevertheless, considering the large uncertainties and dierent
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methods used in determining V1 peak densities, I conclude that both the M1 and V1
peak densities depend on SZA in rough agreement with the prediction of Chapman
theory.
Fox and Yeager (2006) and Fox and Yeager (2009) also derived best-t exponents
for M2 layer. These exponents were generally slightly less than 0.5 and similar to the
corresponding M1 exponents. I found a V2 exponent of about 0.5. This suggests that
SZA variations in the V1 and M1 peak densities are approximately the same as the
SZA variations of their respective V2 and M2 peak densities.
5.4.4 Inuence of solar activity on peak electron densities
Fox and Yeager (2009) derived equations for the dependence of the M1 and M2
peak densities on SZA and F10:7;Mars:
Npeak;M1 =
 
3:93 1010 m 3F10:7;Mars
128
(0:4620:012)
cos(SZA)
cos(76:9)
(0:3900:018)
(5.7)
Npeak;M2 = (8:90 1010 m 3)

F10:7;Mars
128
(0:2630:0075)
cos(SZA)
cos(76:9)
(0:4510:0049)
:(5.8)
To make our Venus results more comparable to these Mars results, I repeated
the analysis from Section 5.3.6 and derived equations similar to Eqs. 5.4 and 5.6 using
F10:7;Venus in place of E10:7;Venus and cos(SZA) in place of Ch(SZA; X). The results
are:
Npeak;V1 = ((8:0 0:2) 1010 m 3)

F10:7;Venus
128
(0:550:03)
cos(SZA)
cos(76:9)
(0:540:02)
(5.9)
Npeak;V2 = ((2:4 0:03) 1011 m 3)

F10:7;Venus
128
(0:280:01)
cos(SZA)
cos(76:9)
(0:480:01)
(5.10)
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The F10:7 exponent for the V2 layer is about the same as that for the M2 layer.
However, the F10:7 exponent for the V1 layer is about 20% larger than that of the M1
layer. Possible explanations for this dierence between Venus and Mars include the
dierent ranges of solar activity sampled by VEX and MGS or physical dierences
between the atmospheres of the two planets. On both planets, the hardening of the
solar spectrum with increasing solar activity makes the lower layer peak densities
more solar-cycle dependent than the main layer peak densities.
5.4.5 Morphology of the V1 and M1 layers
Fox and Weber (2012) classied the morphology of the M1 layer. They found
that the occurrence rate of Type 1 M1 layers was insensitive to solar activity. By
contrast, in Sec. 5.3.7 I found that Type 1 V1 layers are restricted to low solar activity.
This is puzzling and I have not identied any plausible hypothesis.
Fox and Weber (2012) also found that during low solar activity, Type 2 M1
layers were the most common morphology, and during high solar activity, Type 3 M1
layers were the most common morphology. By contrast, at Venus, Type 2 V1 layers
are the most common morphology at all levels of solar activity. This may be due to
morphology being a qualitative property that is determined subjectively, which may
make the results not directly comparable, or may be explained by the dierent solar
activity levels for the VEX and MGS datasets. The MGS data were acquired through
the peak of Solar Cycle 23, a typical solar maximum, whereas the VEX data analyzed
in this work were acquired during the trough at the end of Solar Cycle 23 and the
remarkably weak peak of Solar Cycle 24. If the VEX dataset sampled solar activity
levels as high as those seen by MGS, then the occurrence rate of Type 3 V1 layers
would increase, and perhaps become the most common morphology. Nevertheless, at
both Venus and Mars the lower ionospheric layer (V1/M1) becomes more prominent
as solar activity increases.
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Fox and Weber (2012) classied 9% of the M1 layers as having a Type 4 mor-
phology whereas I have not identied any such V1 layers at Venus. Type 4 M1 layers
have a large minimum between the M1 and M2 layers and the M1 peak is very pro-
nounced. This dierence between Venus and Mars could be explained if, as seems
reasonable, the Type 4 morphology occurs during times of enhanced solar activity.
However, the occurrence rate of Type 4 M1 layers is not particularly sensitive to solar
activity. The vertical resolutions of the MGS and VEX radio occultation proles are
similar so perhaps the smaller neutral scale height at Venus makes large local minima
more readily detected and classied in the MGS dataset.
5.5 Conclusions
A summary of the main results is listed below. These results apply to SZAs less
than 85:
1. The peak altitudes of the V1 and V2 layers vary little with SZA and solar
activity. The V1 peak altitude is approximately 127 km and the V2 peak
altitude is approximately 141 km.
2. The peak densities of the V1 and V2 layers respond similarly to changes in SZA
and vary approximately as Npeak = N0[Ch(SZA; X)]
 0:5. However, the tted
exponent is slightly larger for the V1 layer than for the V2 layer.
3. The ratio of the V1 to V2 peak density increases with solar activity ranging
from 0.3 at solar minimum to 0.45 at solar maximum. The solar activity
variations of the V1 and V2 peak densities are Npeak;V1 / (E10:7;Venus)0:870:05
and Npeak;V2 / (E10:7;Venus)0:450:02.
4. The morphology of the V1 layer can range from being almost imperceptible
(Type 1) to having a distinct local maximum and appearing as its own layer
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(Type 3). The most probable morphology at all solar activities is a shelf or ledge-
like shape at the bottom of the V2 layer (Type 2). As solar activity increases,
the relative number of Type 1 morphologies decreases while the relative number
of Type 3 morphologies increases.
Some of the basic assumptions of Chapman theory are clearly violated at Venus.
Chapman theory predicts that the peak altitude increases with SZA, but the V1
and V2 peak altitudes vary little with SZA (Fig. 5.4). Peak altitudes are controlled
by the optical thickness of the atmosphere at ionizing wavelengths, and thus the
neutral density as a function of altitude. Although electron temperature gradients
and secondary ionization control the peak altitude to some extent, the models of Fox
(2007) show that these eects are small. Indeed, Cravens et al. (1981) attributed
the lack of large variations in V2 peak altitudes to the decrease in neutral densities
with SZA. I have shown that the V1 layer peak altitude responds similarly to changes
in SZA, which is evidence that the structure of the neutral atmosphere at altitudes
between the two peaks changes little with SZA. This implies that the thermal gradient
between 127 km and 141 km is the same at all SZAs < 85.
The situation is dierent at Mars where the M1 and M2 peak altitudes, and the
distance between them, increase with SZA. At Mars, the neutral densities decrease
less with SZA than at Venus (Bougher et al., 2004), and these trends in peak altitude
are driven by the vertical structure of the neutral atmosphere. The neutral scale
height is larger at the M2 peak than at the M1 peak because, at these altitudes, the
neutral temperature increases and the mean molecular mass decreases with altitude.
Since the optical thickness at both peaks does not change much with SZA, the M2
peak altitude must increase more than the M1 peak altitude as SZA increases. Hence,
the distance between the M1 and M2 peak altitudes increases with SZA. This is a
fundamental dierence between the ionospheres of Venus and Mars: at Venus, the
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SZA trends in peak altitude are driven by variations in the neutral atmosphere with
SZA, while at Mars, the SZA trends in peak altitude are driven by variations in the
neutral atmosphere with altitude.
The observed SZA variations of the V1 and V2 peak densities (Fig. 5.5) suggest
that the neutral scale height and the electron temperature at the peaks, which aect
peak densities, do not vary appreciably with SZA. Few neutral temperature and
electron temperature measurements exist at these altitudes, but measurements down
to 150 km show that neither vary dramatically with SZA (Theis et al., 1984; Keating
et al., 1985). Similar SZA variations in peak densities are seen at Mars (Fallows et al.,
2015a) where, again, neither dayside neutral temperatures nor electron temperatures
at the peaks are expected to vary dramatically with SZA (Withers , 2006; Withers
et al., 2014). However, the electron temperature at Mars is expected to increase with
altitude, so the observed SZA variations of the M1 and M2 peak densities imply that
the electron temperature at a xed altitude decreases with SZA.
The dening feature that dierentiates the V1 layer from the V2 layer is the
region of the solar spectrum that produces plasma in each layer. Plasma in the V2
layer is mainly produced by photoionization from EUV photons whereas plasma in
the V1 layer is mainly produced by secondary ionization resulting from more energetic
soft X-rays.
As solar activity increases, the solar spectrum hardens and the relative contri-
bution of soft X-ray to EUV photons increases, resulting in dierences in how the V1
and V2 layers respond to changes in solar activity. It causes the V1 peak density to
increase more with solar activity than the V2 peak density (Fig. 5.6). It also causes
the V1 morphology to change, with fewer instances of imperceptible layers during low
solar activity, and more instances of distinct local maxima during high solar activity
(Figs. 5.7 and 5.8). By contrast, the morphology of the V2 layer stays relatively
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constant at all levels of solar activity (Fig. 5.2). Similar trends in peak density and
morphology are seen at Mars, although the dependence of M1 morphology on solar
activity is not quite the same as it is for Venus. I have also shown that each photon
deposited in the V1 layer produces  4:5 times more ion-electron pairs than each
photon deposited in the V2 layer (Fig. 5.9).
Solar activity may aect ionospheric properties other than electron densities
in the V1 and M1 layers such as the composition of the neutral atmosphere and
ionosphere (e.g., the amount of NO+), as well as local plasma dynamics and electro-
dynamics. Changes in these atmospheric and ionospheric properties may be coupled
to changes in layer morphology. Energetic solar ares, an extreme case of solar activ-
ity, will also have pronounced eects on the V1 and M1 layers. Few studies exist that
investigate the eects of solar ares on the Mars ionosphere (Mendillo et al., 2006;
Mahajan et al., 2009; Lollo et al., 2012; Haider et al., 2012; Haider , 2012), and fewer
exist for the Venus ionosphere (Kar et al., 1986), making it an interesting avenue for
future studies.
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Chapter 6
A photochemical model of the dayside
Venus ionosphere
6.1 Introduction
The goal of this chapter is to develop a photochemical model of the dayside
Venus ionosphere. The model will be validated against the observations of the Venus
ionosphere that were presented in Chapter 5. In addition, the model will be used to
test the prediction that the V2 peak electron density is proportional to the square-
root of the ionizing irradiance (Chapter 3). Once validated, the model can be used in
future investigations of the Venus thermosphere and ionosphere at altitudes less than
150 km where there are few observational constraints (Chapter 5).
Several models of the dayside Venus ionsophere were developed in the wake of
the Pioneer Venus Orbiter (PVO) mission (e.g., Nagy et al., 1980; Cravens et al.,
1981; Kim et al., 1989; Fox and Sung , 2001; Fox , 2007). Most of them were validated
against observations of V2 peak properties but few were validated against observations
of V1 peak properties. The models of Samoznaev (1991) and Fox (2007) were able
to reproduce the solar zenith angle (SZA) variation of the V1 peak altitude and peak
electron density, but only for SZAs greater than 50.
In this chapter I develop a photochemical model of the dayside Venus ionosphere
and validate it against the Venus Express (VEX) observations of V1 and V2 peak
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properties that were presented in Chapter 5. The VEX observations span a large
SZA range that allow validation of the full diurnal behavior of the model.
In Section 6.2 I introduce the model, describe the model inputs, and show some
basic model results. In Section 6.3 I validate the model against the VEX observations
presented in Chapter 5. In Section 6.4 I discuss why their might be discrepancies
between the model predictions and the observations. In Section 6.5 I use the model
to investigate how the V2 peak density varies with F P . I end with Section 6.6, where
I present the conclusions.
6.2 The model
The model was adapted from the Boston University Mars Model that has been
validated and described in many publications (Martinis et al., 2003; Mendillo et al.,
2011; Lollo et al., 2012; Matta et al., 2013, 2014, 2015; Fallows et al., 2015b). To
adapt the model from Mars to Venus, I began by changing some bulk parameters: the
planetary radius was set to 6051.8 km, the planet-Sun distance was set to 0.723 AU,
and the planetary axial tilt was set to 0. Once these bulk parameters were changed,
several new model inputs were required and they are described in Sections 6.2.2-6.2.4.
However, I will rst describe the basic architecture of the model.
6.2.1 Model architecture
The one-dimensional photochemical model has a vertical resolution of 1 km and
extends from 100-400 km. The model neglects all plasma transport processes, which
is a well-founded assumption for altitudes below 180 km where the ionosphere is in
photochemical equilibrium (PCE) (Kim et al., 1989; Schunk and Nagy , 2009). Thus,
the assumptions of the model are valid below 180 km where the V1 and V2 layers
reside.
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The basic architecture of the model is as follows. Solar ux is attenuated by
absorption and ionization as it travels downward through the atmosphere of Venus.
Production and loss rates for each ion species are calculated by taking into account
photoionization, secondary ionization, ion-neutral reactions, and dissociative recom-
bination. Given the assumption of no plasma transport, the continuity equation for
each ion species, i, is given by
@Ni
@t
= Pi   LiNi (6.1)
where Ni is the ion number density, t is time, Pi is the ion production rate (cm
 3
s 1), and LiNi is the ion loss rate. The model uses a nite time step, t, that is
much shorter than the photochemical timescale so that Pi and Li can be assumed to
be constant over t. At each time step the model calculates Pi and Li for each ion
species. Then, the resultant ion densities are calculated using the solution to Eq. 6.1
(Martinis et al., 2003):
Ni = Ni0e
 Lit +
Pi
Li
(1  e Lit) (6.2)
where Ni0 is the ion density from the previous time step. The electron density is also
calculated by summing all of the ion densities. The model continues stepping through
time until the changes in the ion densities over a time step are suciently small to
conclude that the ionosphere has reached PCE.
To perform these calculations the model requires several inputs: a neutral atmo-
sphere, photoionization and photoabsorption cross-sections, a solar EUV spectrum, a
parameterization of secondary ionization, a set of chemical reactions, and an electron
temperature prole. These inputs are described in the following sections.
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6.2.2 Neutral atmosphere
The neutral atmosphere includes CO2, O, CO, N2, N, and NO. For most species I
have adopted the VTS3 empirical model which is based on observations from the PVO
Neutral Mass Spectrometer (ONMS) (Niemann et al., 1980; Hedin et al., 1983). To
formulate the VTS3 model, I transcribed the model as presented in Hedin et al. (1983)
and Hedin (1983) to IDL code. The VTS3 model provides neutral temperatures and
number densities of all the species except for NO as a function altitude, latitude, solar
activity (F10.7P), and local solar time (LST).
The N densities in the VTS3 model have a sharp peak at 125 km, which
is well below the lowest altitude PVO ONMS observations. As a consequence, N
densities in the VTS3 model were based on the photochemical model of Rusch and
Cravens (1979). However, the model of Fox and Sung (2001), which self-consistently
calculated N density proles at low and high solar activity, predicts N densities that
are 10 times smaller and that peak 10 km higher than those in the VTS3 model.
Therefore, before application, I reduced the VTS3 N densities by a factor of 10 and
raised the altitude of the peak by 10 km. This leads to N densities that are somewhat
consistent with those presented in Figure 7 of Fox and Sung (2001) but are 10
times smaller above 150 km. The N densities in the model are a source of signicant
uncertainty. However, there are very few constraints on actual N densities in the
lower thermosphere of Venus and predictions vary widely due to the highly uncertain
rate coecient for the reaction N + CO2 ! + NO + CO (Fox and Sung , 2001).
In addition to including the neutral species provided by the VTS3 model, I also
included NO. There are no direct measurements of NO in the lower thermosphere
of Venus so I adopted a simple representation based on the model of Fox and Sung
(2001). The NO densities at 100 km were set to 2108 cm 3 and to vary exponentially
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Fig. 6.1: A representative neutral atmosphere used in the model. The colored lines
show number densities of the six neutral species and the dashed line shows the neu-
tral temperature prole. This particular neutral atmosphere is for SZA=45 and
F10.7P=105.
with altitude with a scale height of 10 km. They do not vary with LST or solar activity
which is consistent the model predictions of Fox and Sung (2001) and Fox (2007).
For all model runs I use the neutral atmosphere for equatorial latitudes, but
allow the atmosphere to vary with SZA and solar activity (F10.7P) in accordance
with the VTS3 model. Figure 6.1 shows a representative model neutral atmosphere
for SZA=45 and F10.7P=105.
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Fig. 6.2: The absorption cross-sections used in the model.
6.2.3 Solar spectra, cross-sections, and ionization
The solar EUV spectra used in the model have 1 nm resolution and were taken
from the empirical model I developed in Chapter 2. The uxes were multiplied by 
1 AU
0:723 AU
2
to shift them from Earth to Venus. The absorption and ionization cross-
sections for each species were adapted from the Photo Ionization/Dissociation Rates
(PHIDRATES) database (http://phidrates.space.swri.edu) by averaging them within
the 1 nm wavelength bins of the solar spectra. Figure 6.2 shows the absorption
cross-sections and Figure 6.3 shows the ionization cross-sections.
The model includes photoionization of O, CO2, N2, and NO. There is no pho-
toionization of O2 because it is a minor species in the thermosphere of Venus (Bougher
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Fig. 6.3: The ionization cross-sections used in the model.
et al., 1989) and is not included in the the model neutral atmosphere. The photoion-
ization production rates of O+, CO+2 , N
+
2 , and NO
+, and the total photoionization
production rate for SZA=45 and F10.7P=105 are shown as a function of altitude in
Figure 6.4.
The total photoionization production rate peaks near the V2 peak altitude at
140 km and there is also a small ledge near the V1 peak altitude at 125 km. The
production rate of CO+2 dominates below 160 km and is the main contributor to the
total production rate. This is due to CO2 being the most abundant neutral species at
those altitudes (Fig. 6.1). The production rates of O+ and N+2 also peak near 140 km
but they are an order of magnitude smaller than those of CO+2 . Above 160 km the
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O+ production rate is larger than all other ion species because O becomes the most
abundant neutral species above that altitude (Fig. 6.1). The production rate of NO+
peaks lower at 115 km and is much smaller than the peak production rates of the
other species. The low peak is caused by ionization from photons with wavelengths
greater than 110 nm that penetrate to lower altitudes and are only able to ionize NO
due to its large threshold wavelength for ionization (133.8 nm) (Schunk and Nagy ,
2009).
The model also includes ion production rates due to secondary ionization, which
are parameterized using the W-value approximation. This approximations assumes
that after photoionization all of the remaining photon energy goes into secondary ion-
ization, and each secondary ionization requires 28.7 eV (`W-value') of energy. This
W-value was taken from the results of Wedlund et al. (2011) who used a kinetic
transport code to calculate the appropriate value for the Venus thermosphere. Fig-
ure 6.5 shows the secondary ionization rates as a function of altitude for SZA=45
and F10.7P=105.
The secondary ionization rates above 140 km are similar to the photoionization
rates (Figure 6.4). However, they are much larger below 140 km due to higher energy
photons being deposited at those altitudes. The secondary ionization rate of CO+2
dominates all other species and has a local maximum near the V1 peak altitude at 125
km. The secondary ionization rates of O+, N+2 , and NO
+ are minor at the altitudes
of the V1 and V2 layers.
In total, ve ion species are included in the model: O+2 , O
+, CO+2 , N
+
2 , and
NO+. Densities of O+2 are not produced by photoionization but are instead a result
of ion-neutral reactions that are described in the next section.
136
100 101 102 103 104 105
Photoionization production rate (cm-3 s-1)
100
120
140
160
180
A
lti
tu
de
 (k
m)
NO+
N
2
+
CO
2
+
O+
Fig. 6.4: Photoionization production rates as a function of altitude for SZA=45 and
F10.7P=105. The dashed line shows the total photoionization rate.
6.2.4 Chemical reactions and electron temperatures
In addition to including ion production rates from photo and secondary ioniza-
tion, the model also includes ion production and loss rates due to chemistry. Twelve
ion-neutral reactions and dissociative recombination of CO+2 , O
+
2 , N
+
2 , and NO
+ are
included. The reactions and their corresponding reaction rates (Schunk and Nagy ,
2009) are listed in Table 6.2.4.
The dissociative recombination reactions listed in Table 6.2.4 are dependent on
the electron temperature (Te). There are no direct measurements of Te below 150 km
so there is uncertainty in choosing appropriate values for the model. Measurements
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Fig. 6.5: Secondary ionization production rates as a function of altitude for SZA=45
and F10.7P=105. The dashed line shows the total secondary ionization rate.
from PVO indicate that Te 1000 K at 150 km (Theis et al., 1984). However, Te is
expected to decrease rapidly below 150 km and become equal to the neutral temper-
ature around 120 km (Nagy et al., 1980; Cravens et al., 1981; Fox and Sung , 2001).
In the model I have set the electron temperature equal to the neutral temperature at
all altitudes. This approximation results in electron temperatures that are too small
at altitudes above 140 km, but are a reasonable approximation below.
For example, the model of Fox and Sung (2001) predicts that the electron tem-
perature is about 320 K at the V2 peak (140 km) and 200 K at the V1 peak (125 km)
for a SZA of 60. By contrast, with the assumption that the electron temperature is
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Table 6.1: The ion-neutral and recombination reactions used in the model and their
corresponding rate coecients. Here, Te is the electron temperature.
Reaction Rate coecient (cm3 s 1)
CO+2 + O ! O+ + CO2 k1 = 9:6 10 11
CO+2 + O ! O+2 + CO k2 = 1:6 10 10
CO+2 + NO ! NO+ + CO2 k3 = 1:2 10 10
N+2 + CO2 ! CO+2 + N2 k4 = 8:0 10 10
N+2 + O ! O+ + N2 k5 = 9:8 10 12
N+2 + O ! NO+ + N k6 = 1:3 10 10
N+2 + NO ! NO+ + N2 k7 = 4:1 10 10
O+ + NO ! NO+ + O k8 = 8:0 10 13
O+ + N2 ! NO+ + N k9 = 1:2 10 12
O+ + CO2 ! O+2 + CO k10 = 1:1 10 9
O+2 + NO ! NO+ + O2 k11 = 4:6 10 10
O+2 + N ! NO+ + O k12 = 1:5 10 10
O+2 + e
  ! O + O 1 = 2:4 10 7(300KTe )0:70
CO+2 + e
  ! CO + O 2 = 4:2 10 7(300KTe )0:75
N+2 + e
  ! N + N 3 = 2:2 10 7(300KTe )0:39
NO++ e  ! N + O 4 = 4:0 10 7(300KTe )0:50
equal to the neutral temperature, our model has an electron temperature of 210 K
at V2 peak and 180 K at V1 peak. Since the dissociative recombination coecient
for O+2 is proportional to T
 0:70
e , this suggests that our simulated V2 peak densities
will be about 10% smaller than reality and our simulated V1 peak densities will be
about 5% smaller than reality. Nevertheless, I will stick with the assumption that the
neutral temperature is equal to the electron temperature to simplify the development
of the model since there are no electron temperature measurements below 150 km. I
will explore the consequences of this assumption in Section 6.4.2.
6.2.5 Ion and electron densities
The resultant ion and electron density proles for SZA=45 and F10.7P=105 are
shown in Figure 6.6. The morphology of the electron density prole clearly shows the
139
101 102 103 104 105 106 107
Ion density (cm-3)
100
120
140
160
180
A
lti
tu
de
 (k
m)
O
2
+
O+
CO
2
+
N
2
+
NO+
Fig. 6.6: Model ion density proles for SZA=45 and F10.7P=105. The colored
lines show number densities of the ve ion species. The dashed black line shows the
electron density, which is equal to the sum of the ion densities.
V1 and V2 layers. Above 115 km O+2 is the most abundant ion species by more than
an order of magnitude. The large concentration of O+2 is a consequence of the reaction
CO+2 + O
k2 ! O+2 + CO (Table 6.2.4), which quickly converts photoproduced CO+2
into O+2 . Densities of CO
+
2 , O
+, and N+2 are minor at all altitudes. Below 115 km
NO+ becomes the most abundant ion mainly due mainly to the various ion-neutral
reactions listed in Table 6.2.4 that produce NO+.
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6.3 Validating the model against observations
In this Section I validate the model against the VEX observations of the Venus
ionosphere that were presented in Chapter 5. There are three benchmarks by which
the model will be validated: (1) the variation of the V1 and V2 peak altitudes with
SZA, (2) the variation of the V1 and V2 peak densities with SZA, and (3) the variation
of the V1 and V2 peak densities with solar activity.
To accomplish this, the model was run at ve SZAs (15, 30, 45, 60, 75)
and at each SZA the model was run for the 10 solar activities (F10.7P=65-155) that
encompass the empirical model of the solar EUV spectrum from Chapter 2. At each
SZA and solar activity the V1 and V2 peak properties were extracted from the model
electron density prole using the same method as in Section 3.2 of Chapter 5.
6.3.1 Peak altitudes as a function of solar zenith angle
Figure 6.7 compares the modeled and observed V1 and V2 peak altitudes as a
function of SZA. On the whole they match well and the peak altitudes vary little with
SZA. The peak altitude is mainly controlled by the neutral density prole. Hence, the
agreement between the modeled and observed values indicates that the magnitudes
of the VTS3 neutral densities are sucient and that they vary with solar activity and
SZA in the appropriate manner. This is true at the altitudes of the V1 and V2 peaks
where the VTS3 model was constrained by very few data points (Hedin et al., 1983).
6.3.2 Peak densities as a function of solar zenith angle
Figure 6.8 compares the modeled and observed V1 and V2 peak densities as
a function of SZA. Overall, the magnitudes of the V2 peak densities are in good
agreement but are 10% smaller than the observed values. The 10% discrepancy is
in accord with our expectations given that the model electron temperatures are too
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Fig. 6.7: V1 and V2 peak altitudes as a function of SZA. The gray circles show the
observed peak altitudes and their 1 uncertainties. The red asterisks show the model
peak altitudes. Due to the 1 km resolution of the model several of the modeled peak
densities overlap.
low around the V2 peak (Sec. 6.2.4). The magnitudes of the V1 peak densities are
35% smaller than the observed values at all SZAs. This is a much larger discrepancy
than expected for the low electron temperatures around the V1 peak (Sec. 6.2.4).
There are many possible explanations for the small V1 peak densities and they will
be discussed in Section 6.4. Following the procedure from Chapter 5, I t the model
peak electron densities to the equation
Npeak = N0[Ch(SZA; X)]
 n (6.3)
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where Npeak is the model peak electron density, N0 is the tted subsolar peak electron
density, Ch(SZA; X) is the Chapman function, and n is a tted exponent. There are
no uncertainties for the model peak densities so the t was performed using the
linear-least squares technique without any weighting factors.
For the V2 layer the best-t subsolar peak density is N0 = (5:09 0:11) 1011
m 3. This is in good agreement with best-t subsolar peak densities derived from
the observations: N0 = (4:86  0:05)  1011 m 3 and N0 = (6:00  0:05)  1011
m 3 during low and high solar activity, respectively. The best-t exponent for the
model, n = 0:53 0:04, is in good agreement with the observed best-t exponents of
n = 0:53 0:01 and n = 0:47 0:01 during low and high solar activity, respectively.
For the V1 layer the best-t subsolar peak density is N0 = (1:38  0:05) 
1011 m 3. This is smaller than the best-t subsolar peak densities derived from
the observations: N0 = (1:60  0:04)  1011 m 3 and N0 = (2:70  0:05)  1011
m 3 during low and high solar activity, respectively. The best-t exponent for the
model, n = 0:50 0:08, is in good agreement with the observed best-t exponents of
n = 0:53 0:03 and n = 0:55 0:02 during low and high solar activity, respectively.
In summary, the magnitudes of the model V2 peak densities are accurate to
within 10% but the model V1 peak densities are 35% too small. Nevertheless, the
model accurately predicts the SZA variation of both the V1 and V2 peak densities.
6.3.3 Peak electron densities as a function of solar activity
Following the approach of Chapter 5, I t the modeled and observed peak den-
sities to the equation
Npeak = N0

F10:7P
100
k
(Ch(SZA; X)) n (6.4)
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Fig. 6.8: V1 and V2 peak electron densities as a function of SZA. The gray circles
show the observed peak densities and their 1 uncertainties. The red asterisks show
the model peak densities.
where N0 is the peak density at F10.7P=100 and SZA=0
, k is the best-t exponent
relating changes in peak density to changes in solar activity, and n is the best-t
exponent relating changes in peak density to changes in SZA. Table 6.3.3 compares
the best-t parameters from the model and the observations.
The model best-t parameters for the V2 layer are all in good agreement with
their observed counterparts. The most signicant discrepancy is that the model best-
t peak density, N0, is 10% smaller than the observed value. The good agreement
between the F10.7P exponents, k (0:39 0:02 and 0:41 0:41), shows that the model
accurately predicts the solar activity variation of the V2 peak density.
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Table 6.2: Best-t parameters to Equation 6.4. V2 (VEX) and V1 (VEX) are the
best-t parameters to the VEX observations presented in Chapter 5. V2 (model) and
V1 (model) are the best-t parameters to the model results.
Fit parameter V2 (VEX) V2 (model) V1 (VEX) V1 (model)
N0 (10
11 m 3) 5:40 0:04 4:84 0:01 2:15 0:04 1:21 0:01
n 0:50 0:01 0:53 0:01 0:58 0:01 0:51 0:01
k 0:39 0:02 0:41 0:01 0:76 0:05 0:79 0:01
The model best-t parameters for the V1 layer are in less agreement with best-t
parameters derived from the observations. The best-t peak density, N0, is about 40%
smaller in the model than in the observations. The SZA exponents, n (0:58  0:01
and 0:51  0:01), are also somewhat dierent. However, the F10.7P exponents, k
(0:76 0:05 and 0:79 0:01), are in good agreement.
In summary, the model predictions of the V1 and V2 peak density are smaller
than observed but the model accurately predicts the solar activity variation of both
the V1 and V2 peak densities.
6.4 Discussion of small V1 peak densities
The model V1 peak densities are 35% smaller than the observed V1 peak
densities. To further explore why the model predictions are too small, Figure 6.9
compares model and VEX electron density proles at three SZAs and three solar
activities. For comparison with the model proles, the VEX proles were chosen
such that their SZAs were within 5 of the model SZA, and their F10.7P values were
within 10 units of the model F10.7P. All of the VEX proles that meet these criteria
were averaged together and are also shown as a black line in Figure 6.9. The percent
dierence between the model and averaged VEX prole is also shown below each
panel in Figure 6.9.
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Fig. 6.9: A comparison between model and VEX electron density proles. The SZA
and solar activity increases from left to right. In each panel the red line shows the
model electron density prole, the gray lines show the VEX electron density proles
within 5 SZA and 10 F10.7P units of the model values, and the black line shows the
average of all the gray VEX proles in each panel. The percent dierence between
the model and averaged VEX prole is shown below each panel. The vertical dashed
line is for reference.
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Figure 6.9 shows that the morphology of the model V2 layer agrees well with
the observations but the model V2 peak densities (140 km) are 10% too small in all
three panels. As discussed previously, this discrepancy is most likely due to the model
having unrealistically low electron temperatures near the V2 peak. The agreement
becomes less accurate above and below the V2 peak. The morphology of the V1 layer
is not as pronounced in the model and the V1 peak densities (127 km) are  35%
too small in all panels.
There are several possible explanations for this discrepancy in the V1 peak den-
sity. These include the 1 nm wavelength resolution of the model, the assumption
that the electron temperature is equal to the neutral temperature at all altitudes,
uncertainties in the solar spectrum and cross-sections at short wavelengths, and the
parameterization of secondary ionization. In the following sections I discuss these
possibilities.
6.4.1 Wavelength resolution
Fallows et al. (2015b) used the Boston University Mars Model to investigate
the M1 layer in the ionosphere of Mars, which is analogous to the V1 layer at Venus.
They found that the model M1 peak densities were 30% smaller than observed, which
is similar to the discrepancy in V1 peak densities found here. They suggested that
the small densities might be a consequence of the model's limited wavelength resolu-
tion at the short wavelengths responsible for ionization in the M1 layer. Unlike the
1 nm wavelength resolution used here, they used the 39 wavelength bins from the
SOLAR2000 empirical model (Tobiska and Bouwer , 2006), which only includes four
wavelength bins at wavelengths less than 15 nm. Given that the 1 nm resolution used
in the Venus model does not resolve this discrepancy, I can tentatively conclude that
the use of the ner resolution is not the reason. Nevertheless, it is illuminating to
explore how the increased wavelength resolution changes the model predictions.
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To explore this I ran the model using the 39 wavelength bin solar spectra from
the most recent version of SOLAR2000 (Solar Irradiance Platform V2.38). I chose
three spectra from dates on which the F10.7P was equal to 65, 125, and 155 (11 July
2008, 18 September 2011, and 3 January 2014). I also used the same cross-sections
as those used in Fallows et al. (2015b). Figure 6.10 compares the 39 wavelength bin
model electron density proles to the 1 nm electron density proles.
On the whole, the 39 wavelength bin electron density proles are similar to the
1 nm resolution proles. There are some minor dierences but the takeaway is that
the 39 wavelength bin V1 peak densities are similar to the 1 nm resolution V1 peak
densities and are too small. The only major dierence between the two wavelength
resolutions is that the V1 peak altitudes are lower in the 39 wavelength bin proles
than in the 1 nm resolution proles. The 39 wavelength bin V1 peak altitudes are a
few km lower than 1 nm resolution V1 peak altitudes.
Although Fallows et al. (2015b) suggested that the use of 1 nm resolution might
resolve the discrepancy between model and observed V1 peak densities, I have shown
that this is not the case. The V1 peak densities are still too small regardless of the
wavelength resolution. However, the 1 nm wavelength resolution does result in V1
peak altitudes that are more consistent with the observations than when the coarser
39 wavelength bins are used. Now that I have shown that the wavelength resolution
of the model is not the reason for the small V1 peak densities, I will explore another
possibility, the electron temperature.
6.4.2 Electron temperatures
So far the electron temperature in the model has been assumed to be equal to the
neutral temperature at all altitudes. Although this is a reasonable approximation at
the V1 and V2 peaks, the electron temperature is expected to depart from the neutral
temperature around 120 km and increase rapidly with altitude. To explore if higher
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Fig. 6.10: Similar to Figure 6.9 but the electron density proles from the 39 wave-
length bin model are also shown in blue.
electron temperatures can increase the V1 peak densities enough to be consistent
with observations, I ran the model with the electron temperature equal to the neutral
temperature multiplied by 1.00, 1.25, 1.50, 1.75, and 2.00. This results in electron
temperatures that range from 167-370 K at the V1 peak and 165-435 K at the V2
peak. As discussed in Section 6.2.4, these electron temperatures bound the plausible
values at the V1 and V2 peaks.
Figure 6.11 shows the electron density proles for these model runs with in-
creased electron temperatures. As expected, the increased electron temperatures
result in increased electron densities at all altitudes. This is due to the reaction O+2 +
e  ! O + O, which is the main ion loss process with a reaction rate that depends
on the electron temperature through 1 = 2:4 10 7(300Te )0:70.
The previous model runs in which the electron temperature was assumed to be
equal to the neutral temperature resulted in model V2 peak densities that were 10%
smaller than the observations (Section 6.3.2). Here, the V2 peak densities are more
aligned with the observational values when the electron temperature is equal to 1.50
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Fig. 6.11: Similar to Figure 6.9 but showing model runs with the electron temper-
ature equal to 1.00, 1.25, 1.50, 1.75, and 2.00 times the neutral temperatures. At
all altitudes, the electron density proles increase monotonically with the electron
temperature.
times the neutral temperature. Hence, the unrealistically low electron temperatures
around the V2 peak are the most likely reason for the small V2 peak densities shown in
Figure 6.9. A more realistic electron temperature at the V2 peak is a factor of 1.50
times larger than the neutral temperature, which results in an electron temperature
of 315 K. This value is consistent with the V2 peak electron temperature of 320 K
presented in Fox and Sung (2001).
The V1 peak densities are also increased but not enough to be in agreement
with the observations. Even when the electron temperature is equal to 2.0 times the
neutral temperature (360 K), which is an unrealistic assumption at the V1 peak, the
V1 peak densities are still too small. Hence, the electron temperatures in the model
cannot be solely responsible for the discrepancy between the modeled and observed
V1 peak densities and there must be other model assumptions that are responsible.
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6.4.3 Other possibilities
In the previous two sections I showed that the model 1 nm wavelength resolu-
tion and low model electron temperatures are not responsible for the small V1 peak
densities. Other physical processes or uncertainties in the model inputs must be
considered.
One possibility is that the model parameterization of secondary ionization is
inadequate. Secondary ionization is more important than photoionization in the V1
layer. For secondary ionization the model uses the W-value approximation, which
is a simple empirical representation. A more physics-based approach that includes
electron collision cross-sections and electron energy distributions could increase the
V1 peak densities to be more aligned with the observations. However, implementation
of this approach is out of the scope of this chapter and is an excellent avenue for future
work.
Another possibility is that the solar EUV uxes below 15 nm used in the model
are too small. The empirical model of the solar EUV spectrum that I developed in
Chapter 2 is based on the TIMED-SEE spectra measurements with 1 nm resolution.
However, below 27 nm, the SEE instrument uses a series of broadband photodiodes,
each with a resolution of a few nm, and then scales the broadband measurements
using reference spectra. Hence, the 1nm SEE spectra below 27 nm are partially
based on an empirical model which leads to uncertainties in the 1 nm uxes. Future
work could explore this issue.
6.5 An application of the model
In Chapter 3 I showed that V2 and M2 subsolar peak electron densities are
approximately proportional to (F P )0:50 where F P is the sum of all photons below
the threshold wavelength for ionization of CO2. In Section 2 of that chapter I also
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Fig. 6.12: Model V2 subsolar peak densities as a function of F P . The black crosses
are the subsolar densities for all the model runs and the the red line is the best-t.
As predicted in Chapter 3, the peak densities are proportional to (F P )0:50.
presented a series of assumptions and approximations that explain why one ought to
expect that result. The numerical model allows for an excellent opportunity to test if
model V2 peak densities are proportional to (F P )0:50. If they are, then that implies
that the approximations laid out in Chapter 3 are reasonable, even though many of
the underlying assumptions are not perfectly satised.
To test this, I multiplied the model V2 peak densities by [Ch(SZA; X)] 0:53
to convert them to the subsolar point (Sec. 6.3.2). Then, I t the subsolar peak
densities, N0, to the equation N0 = A(F
P )k where A is a tted density and k is the
tted exponent. Figure 6.12 shows the subsolar peak densities as a function of F P
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and the resultant t. The best-t exponent is k = 0:50 0:02, which is precisely the
expected value.
This result shows that the approximations presented in Chapter 3 are reason-
able, even when many of the assumptions that led to the approximations are not
perfectly satised. The main assumptions were that there is only one neutral and ion
species, the cross-sections are relatively uniform at EUV wavelengths, and dissocia-
tive recombination is the main ion loss process. All of these assumptions are valid
for the V2 peak in the model which uses a realistic neutral atmosphere composed of
many species and cross-sections that vary with wavelength.
6.6 Conclusions
In this chapter I developed a photochemical model of the dayside Venus iono-
sphere and validated the model against observations. The model accurately predicts
the SZA and solar activity variations of the V1 and V2 peak altitudes and peak
electron densities. The magnitudes of the model V2 peak densities are 10% too
small, most likely due to the assumption that the electron temperature is equal to
the neutral temperature at the V2 peak. When the electron temperature at the V2
peak is increased to a plausible value that is 1.5 times the neutral temperature (315
K), the model V2 peak densities are in better agreement with the observed values.
The magnitudes of the model V1 peak densities are 35% too small. I discussed
possible reasons for this discrepancy and showed that the 1 nm wavelength resolution
of the model and the electron temperatures in the model are not responsible. Other
possibilities for the small V1 peak densities include uncertainties in the solar spectrum
at short wavelengths and the model parameterization of secondary ionization.
Despite these shortcomings, the model will be useful for future investigations
of the Venus ionosphere. In particular, a more physics-based approach to secondary
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ionization can be implemented to improve the model. The model can also be used to
investigate electron temperatures and ion composition below 150 km where observa-
tional constraints are limited.
Finally, I used the model to show that subsolar V2 peak densities are propor-
tional to (F P )0:50. This implies that the assumptions about the V2 peak presented in
Chapter 3 are reasonable, even in a realistic Venus thermosphere that includes several
neutral and ion species.
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Chapter 7
Summary, conclusions, and future work
The overarching goal of this dissertation was to understand how the Sun's vari-
ability at ultraviolet wavelengths aects plasma densities in the ionospheres of Venus
and Mars. I will now summarize the results, discuss the conclusions, and present
some potential avenues for future work.
7.0.1 Summary
To summarize the results, I now present the answers to the questions that were
put forth in the introduction.
Questions 1 and 2
1. What is the nominal ultraviolet solar spectrum for a given F10.7 solar index?
2. What is the total ionizing irradiance for a given F10.7 and planetary atmo-
sphere?
I addressed these questions in Chapter 2 by developing an empirical model of the
ultraviolet solar spectrum using TIMED-SEE observations from 2003-2010. This
empirical model provides a useful resource for future numerical simulations of aero-
nomical processes throughout the solar system. I also derived relationships between
F10.7 and the ionizing irradiance for ve neutral species and showed that the rela-
tionships are nonlinear and species-dependent. These relationships provide a way to
estimate the ionizing irradiance when no solar spectra observations are available, and
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are valuable for interpreting the solar activity trends of ionospheric peak properties.
Future work can extend these results to include the highest levels of solar activity,
for which the TIMED-SEE data has not yet been fully calibrated.
Question 3
3. How do the peak electron densities in the ionospheres of Venus and Mars vary
throughout the solar cycle?
I addressed this question in Chapter 3, where I showed that the subsolar peak electron
densities in the ionospheres of Venus and Mars are proportional to (F P )k where F P is
the observed CO2 ionizing irradiance in units of photon ux. At Venus k = 0:540:05
and at Mars k = 0:54 0:04. These results contrast previous studies that used F10.7
and E10.7 as their representations of the ionizing irradiance and found k ' 0:35. The
reason for this discrepancy is that F10.7 and E10.7 are not directly proportional to
the ionizing irradiance. The resultant exponent of k = 0:50 is in agreement with our
theoretical expectations, in particular that photochemical equilibrium prevails and
that dissociative recombination is the main ion loss process at the peaks of the Venus
and Mars ionospheres.
Question 4
4. How well does Chapman theory describe the ionosphere of Mars?
I addressed this question in Chapter 4 by discussing the relevance of Chapman theory
for the ionosphere of Mars. I showed that eight ionospheric predictions of Chapman
theory are coarsely satised at Mars. In addition, although all of the assumptions of
Chapman theory are violated at Mars, the degree in which many of them are violated
is minor. The major violations concern the geographic and seasonal variations in the
neutral densities and temperatures. Nevertheless, Chapman theory provides a means
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by which ionospheric trends can be interpreted. Predictions that fail and the way in
which they fail provide valuable constraints for numerical models.
Questions 5 and 6
5. How does the lower layer in the dayside ionosphere of Venus vary with solar
zenith angle and solar activity?
6. Can a photochemical model reproduce the behavior of the main and lower layers
in the ionosphere of Venus?
I addressed these questions in Chapters 5 and 6. First, in Chapter 5, I characterized
the lower layer in the dayside Venus ionosphere. I showed that the solar zenith angle
(SZA) variations of the lower layer peak altitude and peak density are the same as
those of the main layer. Since these peak properties are controlled by the neutral
atmosphere and electron temperature, the results imply that the neutral and electron
vertical temperature gradients do not vary signicantly with SZA. I also showed that
the morphology and peak densities of the lower layer vary more with solar activity
than those of the main layer as a result of the hardening of the solar spectrum as
solar activity increases. This work focused on understanding how the lower layer is
aected by the Sun's 11-year solar cycle. Future work is needed to understand how
energetic solar ares, which occur on much shorter timescales, aect the lower layer.
Next, in Chapter 6, I developed a photochemical model of the Venus ionosphere
and validated its predictions against the observations presented in Chapter 5. The
model accurately predicts the SZA and solar activity variations of the lower and main
layer peak altitudes and peak densities. However, the magnitudes of the model V1
peak densities are consistently too small. An excellent avenue for future work is to
develop a more physics-based approach to the model's implementation of secondary
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ionization, which may increase the lower layer densities to be more aligned with
observations.
7.0.2 Conclusions
As a whole, the results presented in this dissertation describe how wavelength-
dependent variations in the ultraviolet solar spectrum result in altitude-dependent
variations in the ionospheres of Venus and Mars. The many observational results
presented throughout provide a foundation for more detailed studies of chemistry,
dynamics, energetics, and escape processes. In particular, the results can be used to
validate numerical models that attempt to simulate these processes. There are two
main conclusions derived from this work, which I will now summarize.
First, the F10.7 solar index has glaring weaknesses when used to interpret how
the ionosphere responds to changes in solar irradiance. In particular, the relationship
between F10.7 and the ionizing irradiance is nonlinear and dependent on the compo-
sition of a planetary atmosphere (Chapter 2). Although the relationships derived in
Chapter 2 have their own weaknesses, they can ameliorate this problem to some ex-
tent and lead to more accurate interpretations of how ionospheric properties depend
on the solar irradiance (Chapters 3 and 6).
Second, the hardening of the solar spectrum { the increase in the soft X-ray
irradiance relative to the extreme ultraviolet irradiance { has signicant eects on
the distribution of plasma in the ionosphere of Venus. As solar activity increases, the
amount of plasma in the lower layer increases much more than that in the main layer
(Chapter 5). At times the lower layer is almost imperceptible, while at others it is
a major feature that exhibits a local maximum, a behavior that is mostly explained
by photochemical processes (Chapter 6). However, the behavior of the lower layer
at Venus is not quite that same as the behavior of the lower layer at Mars. This
suggests that diurnal and solar activity variations in the thermosphere of Mars are
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dierent than those at Venus. However, there are currently too few observations of
the thermosphere of Mars to test this hypothesis.
7.1 Future work
This dissertation focused on the photochemical regions of the Venus and Mars
ionospheres. These regions are at altitudes (100-150 km) where there are few ob-
servational constraints. With no spacecraft currently at Venus, the community will
continue to rely on past remote sensing observations and numerical modeling to un-
derstand the processes that control the photochemical equilibrium region. The model
developed in Chapter 6 will be an excellent tool for these purposes. The Pioneer
Venus Orbiter (PVO) data will continue to be valuable. In particular, the diurnal
behavior of thermospheric densities measured by PVO provide a means to model the
ionosphere and develop a consistent picture of the coupling between the thermosphere
and ionosphere (Chapter 5).
Alternatively, the diurnal variations of thermospheric densities at Mars are
poorly understood. However, the Neutral Gas and Ion Mass spectrometer (NGIMS)
on the MAVEN spacecraft, which arrived at Mars in 2014, will obtain measurements
of thermospheric densities over a wide range of conditions. In future work I plan to use
these MAVEN observations to develop an empirical model of the Mars thermosphere.
The empirical model will be similar to the Venus model (VTS3) I used in Chapter 6
and will be valuable for future modeling studies of the ionosphere of Mars. In addi-
tion, although the periapsis of MAVEN (150 km) is above the photochemical region,
it will conduct a series of deep dip campaigns that will allow a means to validate
the remote sensing observations presented here. However, these deep dip campaigns
are scattered in local time, longitude, season, and solar activity, so a comprehensive
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understanding of the variability and external drivers of the photochemical region at
Mars will continue to rely on numerical models and remote sensing observations.
Data from the MAVEN mission will also help to constrain atmospheric escape
rates at Mars. By comparing these escape rates to those at Venus and Earth, we
can begin to understand how they are controlled by planet-specic conditions. In
particular, we can begin to understand how atmospheric escape processes are con-
trolled by the global distribution of ionospheric plasma, planetary magnetic elds,
and global circulation. Answering these questions will improve our understanding of
the conditions that make a terrestrial planet habitable.
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